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Cosmic density perturbations from late-decaying scalar condensations

Takeo Moroi and Tomo Takahashi
Department of Physics, Tohoku University, Sendai 980-8578, Japan

~Received 9 June 2002; published 13 September 2002!

We study the cosmic density perturbations induced from the fluctuation of the amplitude of late-decaying
scalar condensations~calledf) in the scenario where the scalar fieldf once dominates the universe. In such
a scenario, the cosmic microwave background~CMB! radiation originates to decay products of the scalar
condensation and hence its anisotropy is affected by the fluctuation off. It is shown that the present cosmic
density perturbations can be dominantly induced from the primordial fluctuation off, not from the fluctuation
of the inflaton field. This scenario may change constraints on the source of the density perturbations, like
inflation. In addition, a correlated mixture of adiabatic and isocurvature perturbations may arise in such a
scenario; possible signals in the CMB power spectrum are discussed. We also show that the simplest scenario
of generating the cosmic density perturbations only from the primordial fluctuation off ~i.e., the so-called
‘‘curvaton’’ scenario! is severely constrained by the current measurements of the CMB angular power spectrum
if the correlated mixture of the adiabatic and isocurvature perturbations are generated.
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I. INTRODUCTION

In recent years, the observation of the cosmic microw
background~CMB! anisotropy has been greatly improve
After the discovery of the CMB anisotropy by the Cosm
Background Explorer~COBE! @1# at the angular scaleu
*7°, there have been many efforts to improve the meas
ments. In particular, recent balloon and ground-based exp
ments observed the CMB anisotropy at a smaller ang
scale of u;O(0.1°) @2–4#. Then, the observation of th
CMB anisotropy is expected to be greatly improved by
on-going and future satellite experiments, the Microwa
Anisotropy Probe~MAP! @5# and Planck@6#; after these ex-
periments, the CMB angular power spectrumCl will be de-
termined at O(1%) level up to the multipole l
&1000–2000.

With these measurements, our understanding of the e
lution of the universe is also being improved. Important
since the CMB power spectrum is sensitive to the origin a
evolution of the cosmic density perturbations~as well as to
the cosmological parameters!, we are now able to constrai
scenarios of generating the cosmic density perturbations

Among various scenarios, inflation@7# is probably the
most popular and well-motivated one to provide the sou
of the cosmic density perturbations. In the simplest case
the components in the universe~other than the cosmologica
constant!, such as the photon, baryon, cold dark mat
~CDM!, and so on, originate to decay products of the infla
field x which is the scalar field responsible for the inflatio
The inflaton field fluctuates during the inflation and it b
comes the source of the cosmic density perturbations. On
the most important consequences of such a scenario is
since all the components in the universe are produced f
the inflaton field, there is no entropy perturbation betwe
any of two components and hence the density fluctuati
become adiabatic. Importantly, assuming the standard ev
tion of the universe after the inflation and using a reasona
set of the cosmological parameters, it is now widely believ
that the observed CMB power spectrum is consistent w
0556-2821/2002/66~6!/063501~15!/$20.00 66 0635
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the one predicted from the scale-invariant spectrum wh
can arise from some class of inflation models@8#.

From the particle-physics point of view, however, the si
plest scenario may not be the case and there exist pos
sources of the cosmic density perturbations other than
inflaton field. In particular, in various scenarios, light sca
fields are introduced which dominate the universe at ea
epochs.~We denote such a scalar field asf.! For example, in
the scenario of Affleck-Dine baryogenesis@9#, condensation
of the squark and slepton fields is converted to the bary
number asymmetry of the universe. If this is the case, th
may exist an epoch when the universe is dominated by
Affleck-Dine field. Then, at the time of the decay of th
Affleck-Dine field, the late-time entropy production occur
The other candidate is flat directions in the theory space
particular, in the superstring theory@10#, there are various
flat directions parametrized by scalar fields called mod
fields. Such moduli fields are expected to acquire mas
from the effect of the supersymmetry breaking and he
their masses can be much lighter than the Planck scale. I
initial amplitudes of the moduli fields are large, the univer
is once dominated by the moduli fields and is reheated at
time of the decay of the moduli fields.~See Refs.@11,12# for
the scenario with cosmological moduli fields.! In addition, in
Ref. @13# it is pointed out that the baryon-number asymme
of the universe can be explained if the universe was o
dominated by the condensation of the right-handed sc
neutrino. In this case, the universe also experiences the
time entropy production. In addition, an axion-like sca
field is proposed as a seed of the cosmic density pertu
tions @14# in the pre-big-bang@15# and the ekpyrotic@16#
scenarios.

Such scalar fields may acquire fluctuations of the am
tude in the early universe~in particular, during the inflation!.
Then, the scalar field eventually decays and reheats the
verse. Importantly, in this class of scenario, the CMB rad
tion we observe today originates tof rather than to the in-
flaton. As a result, one can expect that the fluctuation of
scalar-field amplitude affects the cosmic density pertur
©2002 The American Physical Society01-1
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tions @17–20#. In particular, in such a scenario, adiabatic a
isocurvature perturbations may be generated w
cross-correlation.1 Indeed, in Ref.@20#, the CMB angular
power spectrum is calculated in such a framework, an
was shown that effects of the correlated isocurvature per
bation may be large enough to be seen in the on-going
future experiments. In addition, it is possible that the dom
nant part of the cosmic density perturbations observed to
may originate from the primordial perturbation in the amp
tude of f rather than the fluctuation of the inflaton amp
tude. ~This kind of mechanism is sometimes called ‘‘curv
ton mechanism.’’!

In this paper we consider effects of such scalar-field c
densations to the cosmic density perturbations without r
ing on any particular scenarios. Assuming that the unive
was once dominated by the scalar-field condensation and
the reheating occurred at a later stage generating a l
amount of entropy, we study the evolutions of the cosm
density perturbations and consider the CMB angular po
spectrum. As we will see, the CMB power spectrum can
affected in various ways depending on scenarios. Inter
ingly, if the decay product of thef field does not generat
the baryon asymmetry or the CDM component, then
adiabatic and isocurvature perturbations can be both ge
ated with cross-correlation. In this case, the CMB pow
spectrum may significantly change its behavior from
adiabatic result. In particular, the simple ‘‘curvaton’’ sc
nario, in which the cosmic density perturbations are gen
ated only from the primordial fluctuation of the amplitude
f, is severely constrained by the current observations of
CMB angular power spectrumif the adiabatic and isocurva-
ture perturbations are generated with cross-correlation.

The organization of the rest of this paper is as follows.
Sec. II we introduce the scenario we consider and follow
thermal history of the universe. Evolution of the cosmic de
sity perturbations in such a scenario is discussed in Sec
In particular, it is discussed how the density perturbation
the radiation is affected by the primordial fluctuation of t
amplitude off. Then, in Sec. IV, we overview the behavio
of the CMB anisotropy in our scenario. Detailed discussio
on the CMB power spectrum for the cases with and with
the isocurvature perturbations are given in Secs. V and
respectively. Section VII is devoted to the conclusion.

II. SCENARIO

Let us first introduce the scenario we have in mind. In t
paper we consider the thermal history with late-time entro
production which is due to the decay of the scalar fieldf.

For our study, it is important to understand the behavio
the scalar field in the expanding universe. For this purpo
we start with the Lagrangian of the form

L5
1

2
gmn]mf]nf2V~f!, ~2.1!

1For other mechanisms generating correlated mixture of the a
batic and isocurvature perturbations, see@21#.
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whereV(f) is the potential of the scalar field. In our discu
sion, we adopt the parabolic potential for the scalar field

V~f!5
1

2
mf

2 f2. ~2.2!

From this Lagrangian, we can derive the energy densityrf
and the pressurepf of the scalar field condensation; for th
zero-mode we obtain

rf5
1

2
ḟ21

1

2
mf

2 f2, pf5
1

2
ḟ22

1

2
mf

2 f2, ~2.3!

where the ‘‘dot’’ denotes the derivative with respect to timet.
In addition, in the expanding universe, the equation

motion of the scalar field is given by

f̈13Hḟ1mf
2 f50, ~2.4!

whereH[ȧ/a is the expansion rate witha being the scale
factor. The behavior off depends on the relative size of th
expansion rateH and the scalar massmf . When the expan-
sion rate is much larger thanmf , the second term, which
plays the role of the friction term, is significant andḟ ~al-
most! vanishes. In this case, change of the scalar amplit
can be neglected andf takes a constant value. We call th
epoch a ‘‘slow-roll’’ epoch sinceḟ is negligibly small. On
the contrary, whenH&mf , the scalar field oscillates aroun
the minimum of the potential. In particular, whenH!mf ,
the oscillation of the scalar field becomes fast enough so
the relation1

2 ^ḟ2&osc5
1
2 mf

2 ^f2&osc holds, wherê •••&osc de-
notes the average over the time scale much longer thanmf

21

~but shorter thanH21). With this relation, the energy densit
and the pressure of the scalar field are given as

^rf&osc5 K 1

2
ḟ21

1

2
mf

2 f2L
osc

5mf
2 ^f2&osc,

^pf&osc5 K 1

2
ḟ22

1

2
mf

2 f2L
osc

50. ~2.5!

As we can see, the pressure of the scalar field effectiv
vanishes at this epoch and the equation-of-state paramete
the scalar field becomesvf50. In this case, the energy den
sity of the scalar field behaves as that of the nonrelativi
component. Consequently, whenGf!H!mf ~with Gf be-
ing the decay rate off), rf decreases asa23.

Now we discuss the thermal history of the universe w
the scalar fieldf. In particular, we consider the case whe
the initial amplitude of the scalar fieldf init is nonvanishing
so thatf may become cosmologically significant. With suc
an initial condition, let us follow the evolution of the un
verse starting with the inflationary period.

As in the conventional cases, we adopt the epoch
~slow-roll! inflation in the early stage. As well as solving th
horizon and flatness problems, inflation provides the sou
of the cosmic density perturbations. We assume that the m
of the scalar fieldf is much smaller than the expansion ra

a-
1-2
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of the universe during the inflationH inf . If this is the case,
the energy density of the scalar field is much smaller than
total energy density of the universe as far as the amplitud
the scalar field is smaller than the Planck scale. Then,
potential of the scalar fieldf is effectively flat during infla-
tion and there is no strong reason to have vanishing in
amplitude off.2 In addition, if mf!H inf , f is slow-rolling
during inflation and it keeps its initial amplitude. Thus w
assume a nonvanishing value of the initial amplitudef init .

In the slow-roll inflation models, the inflaton fieldx os-
cillates after the inflation and decays. Then, the univers
reheated.~We call this epoch the ‘‘first reheating’’ since, i
the scenarios we consider, the universe is reheated again
to the decay off.! The energy density of the inflaton fiel
also decreases asa23 in this oscillating period, and hence th
expansion rate of the universe is being decreased. The
the time when the expansion rate of the universe beco
comparable to the decay rate of the inflatonGx , the inflaton
decays and reheats the universe. Equating the expansion
and the decay rate of the inflaton field, the reheating te
perature is estimated to be

TR1;g
*
21/4AGxM* , ~2.6!

whereg* ;O(100) is the effective number of the massle
degrees of freedom,3 M* .2.431018 GeV is the reduced
Planck scale, and we adopt the approximation of the ins
taneous reheating at the time ofH5Gx . In addition, here
~and in the following order-of-estimations in this section! we
neglect numerical constants ofO(1).

Evolution of the scalar fieldf depends on the relativ
size of mf and Gx . If the massmf is smaller thanGx , f
starts its oscillation after the decay of the inflaton; otherwi
f starts to move while the inflaton field is still oscillating. I
studying the thermal history with the scalar fieldf, it is also
important to specify the initial value of the scalar fieldf init .
Whenf starts to move,H;O(mf) and hence the total en
ergy density of the universe isO(mf

2 M
*
2 ). Thus, if f init is

smaller thanM* , the scalar field is a subdominant comp
nent when it starts to move, and hence the evolution of
universe at this epoch is controlled by other compone
oscillating inflaton field, or radiation. Iff init;M* , on the
contrary, the energy density off becomes comparable to th
total energy density. In this case, the scalar fieldf never
becomes a minor component until it decays.

Let us first consider the case whereTR1 is high enough so
that f starts to oscillate after the decay of the inflaton. T
happens whenmf&Gx . In this case, the scalar field starts
oscillate at the temperature

Tosc;g
*
21/4AmfM* . ~2.7!

2If the minimum of the potential off is a symmetry-enhance
point, however, the initial value off may vanish@22#.

3In this section we neglect the temperature dependence ofg*
since it does not significantly change the following discussion.
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After this epoch, the energy density of the scalar fieldrf
decreases asa23 while that of radiation is proportional to
a24, and hence the energy density of the scalar field
creases slower than that of the radiation. Thus when the
plitude of the scalar field is as large asfeq;f init

4 /M
*
3 , the

energy density of the scalar field becomes comparable to
of radiation if the scalar field does not decay before t
epoch. Expansion rate at this epoch isHeq;(f init

4 /M
*
4 )mf ,

andHeq becomes larger than the decay rate off if

f init*~Gf /mf!1/4M* ;g
*
1/8~TR2

2 /mfM* !1/4M* :

mf,Gx , ~2.8!

whereTR2 is the reheating temperature after the decay of
and is estimated as

TR2;g
*
21/4AGfM* . ~2.9!

If the condition~2.8! is satisfied, the scalar field dominate
the universe before it decays.

If the reheating temperature after the inflationTR1 be-
comes low, the scalar fieldf may start to oscillate before th
inflaton field decays; this is the case ifGx&mf . In this case,
when the inflaton field decays, the amplitude of the sca
field is (Gx /mf)f init . Then, the energy densities off and
radiation become comparable whenf;(Gx /mf)f init

4 /M
*
3 ,

if f does not decay before its amplitude becomes sma
than this value. Then, the condition to have af-dominated
epoch is

f init*~Gf /Gx!1/4M* ;~TR2 /TR1!
1/2M* : mf.Gx .

~2.10!

If the initial amplitude off becomes larger than;M* ,
on the other hand, thef field slow-rolls even after the ex
pansion rate of the universe becomes comparable tomf .
Then, the universe enters into the de Sitter phase again
this case,f plays the role of the inflaton and the resulta
cosmic density perturbation becomes the same as the
dard adiabatic result~if the scale of the secondary inflation
properly chosen!.4 Thus we assume that the initial amplitud
of f is smaller thanM* . In particular, we assume thatf init
is small enough so that the universe has a radiati
dominated epoch beforef dominates the universe.~This is
the case iff init is substantially smaller thanM* .)

In Fig. 1 we summarize the above results; on theTR2 vs
mf plane we plot the contours of the minimum value off init

4If the e-folding number due to the secondary inflation is sma
however, this is not the case and the cosmic density fluctuation
large scale is generated by the first inflation. We do not cons
such a case in this paper.
1-3
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TAKEO MOROI AND TOMO TAKAHASHI PHYSICAL REVIEW D 66, 063501 ~2002!
with which the universe experiences thef-dominated epoch
In the following discussion, we assume that the initial a
plitude of the scalar field is large enough so that there ex
the f-dominated epoch.

Since the universe has to follow the standard big-ba
scenario in particular for the big-bang nucleosynthesis, h
ever, the universe has to become radiation-dominated a
thef-dominated epoch. This is realized by the reheating
to the decay off. WhenH;Gf , thef field decays and its
energy density is converted to that of radiation. The rehe
ing temperature at the time of thef decay depends on th
decay rateGf . Importantly, the reheating temperature has
be higher than;1 MeV so that the success of the standa
big-bang nucleosynthesis is not altered; we assume thatGf is
large enough in order not to affect the standard nucleos
thesis scenario.

In summary, the thermal history is as follows.

FIG. 1. Contours of minimum values of the initial amplitude
thef field with which the universe is once dominated by the ene
density off. The vertical axis is the mass off and the horizontal
axis is TR2. TR1 is taken to be~A! TR1513106 GeV, ~B! TR1

5131010 GeV, and~C! TR15131014 GeV.
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~1! In the early stage, inflation occurs.5 During inflation,
the scalar fieldf has a substantial initial amplitude so that
dominates the universe at the later stage.

~2! After the inflation, the universe is dominated by th
oscillating inflaton field.~We call this epoch the ‘‘xD’’ ep-
och.! At some point, the inflaton decays and reheats the u
verse.

~3! When the expansion rate of the universe becom
comparable tomf , the f field starts to oscillate. This may
happen during thexD or the radiation-dominated epoch. W
assume that the initial amplitude off is smaller than;M*so that there is no inflation induced by thef field. In addi-
tion, if f init is substantially smaller thanM* , the universe
experiences a radiation-dominated epoch beforef dominates
the universe.~We call this epoch the ‘‘RD1’’ epoch.!

~4! As the universe expands,f eventually dominates the
universe sincerf}a23 while r rad}a24 ~where r rad is the
energy density of radiation!. We call this epoch the ‘‘fD’’
epoch.

~5! When H;Gf , the f field decays and reheats th
universe. Then the radiation-dominated universe is reali
again.~We call this epoch the ‘‘RD2’’ epoch.! After this ep-
och, the evolution of the universe is the same as the stan
big-bang case as far as the cosmic density perturbations
not concerned.

The scenario is schematically shown in Fig. 2.~In the
following, the subscripts ‘‘xD,’’ ‘‘RD1,’’ ‘‘ fD,’’ and ‘‘RD2’’
will be used for variables in each epoch.!

III. EVOLUTIONS OF THE PERTURBATIONS

In the previous section we summarized the scenario
discussed the evolutions of the background variables~i.e.,
the zero modes!. Our purpose is, however, to understand t
effects of the fluctuation of the amplitude of the scalar fie
f on the cosmic density perturbations. Thus, in this secti

5For the pre-big-bang@15# and the ekpyrotic@16# scenarios, this
may not be the case. In these cases, we assume that some
mechanism generates the primordial fluctuation off.

y

FIG. 2. Schematic picture of the thermal history of the univer
evolution of the energy density of various components. Here,
assumed that thef field starts to oscillate in the RD1 epoch, but
may happen in thexD epoch. The solid lines are for scalar conde
sations and the dotted ones are for radiation.
1-4
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COSMIC DENSITY PERTURBATIONS FROM LATE- . . . PHYSICAL REVIEW D 66, 063501 ~2002!
we discuss the evolutions of the perturbations in detail.
portantly, properties of the density perturbations are de
mined at the epoch much earlier than the electron decoup
~i.e., T;me , with me being the electron mass! and the neu-
trino freeze-out. Thus, in this section, we study the behav
of the perturbations in such an epoch. In this paper we g
the formalism in the conformal Newtonian gauge.~We fol-
low the notation and convention of@23#.!

In discussing the evolutions of the perturbations, it is co
venient to define the variabledX as

dX[drX /rX , ~3.1!

where the subscriptX denotes the individual componen
~such as radiation, CDM, baryon, and so on! anddrX is the
density perturbation of the componentX. In addition, in the
conformal Newtonian gauge, the perturbed line elemen
given by

ds252~112C!dt21S a

a0
D 2

~112F!d i j dxidxj

5S a

a0
D 2

@2~112C!dt21~112F!d i j dxidxj #,

~3.2!

wheret is the conformal time,a0 is the scale factor at the
present time, andC andF are the metric perturbations.

Substituting Eq.~3.2! into the Einstein equation, we ob
tain the generalized Poisson equation forF:

k2F5
1

2M
*
2 S a

a0
D 2

r totFd tot1
3H
k

~11v tot!VtotG , ~3.3!

and another equation relatingF, C, and the anisotropic
stress perturbation of the total matterP tot :

k2~C1F!52
1

M
*
2 S a

a0
D 2

ptotP tot . ~3.4!

Here, ‘‘tot’’ denotes the total matter and the variableVX de-
notes the velocity perturbation of the componentX. In addi-
tion, k is the comoving momentum,v tot[r tot /ptot the
equation-of-state parameter for the total matter, and

H[
1

a

da

dt
. ~3.5!

As indicated in the above equations, evolutions of
metric perturbations are related to those of the density,
locity, and other perturbations of various components. He
we consider the universe with a temperature higher thaT
.me . In such a situation, various charged particles beco
relativistic and are thermally produced. Then, all the rela
istic components~like photon, electron, quarks, neutrino
and so on! can be regarded as a single fluid with a very sh
mean free path, much shorter than the horizon scale. We
such a component ‘‘radiation’’ and use the subscript ‘‘r ’’ for
it.
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When the mean free path of the radiation is very sho
perturbation of the radiation becomes locally isotropic a
the anisotropic stress perturbation vanishes:

P r50. ~3.6!

Then, the equations for the density and velocity perturbati
of the radiation are given by

d r852
4

3
kVr24F8, ~3.7!

Vr85
1

4
kd r1kC, ~3.8!

where the ‘‘prime’’ denotes the derivative with respect to t
conformal timet. In addition, if a very weakly interacting
nonrelativistic component exists, its perturbations obey
following equations:

dm8 52kVm23F8, ~3.9!

Vm8 52HVm1kC, ~3.10!

where the subscript ‘‘m’’ is for nonrelativistic matters. Notice
that, when a scalar field is oscillating, the equation-of-st
parameter of the scalar condensation vanishes and henc
density and velocity perturbations of the scalar field a
obey Eqs.~3.9! and ~3.10!.

In our scenario, there are several possible sources of
density perturbations. The first one is, as in the conventio
case, fluctuation of the inflaton amplitude. In our case, ho
ever, the amplitude off may also fluctuate and such a flu
tuation becomes a second source of the density fluctuati
In addition, if there exists independent scalar field~calledc)
from which the baryon or the CDM is generated, we a
have to take account of its effects.~In the following, we
consider the cases with and without this scalar fieldc.! In
the following, primordial fluctuations of these scalar fiel
are assumed to be uncorrelated. In the framework of
linear perturbation theory, evolutions of the perturbatio
from the primordial fluctuations of these scalar fields a
independent and hence we can study their evolutions s
rately. Evolutions of the perturbations from the inflaton flu
tuation are intensively studied; such a fluctuation provid
adiabatic density fluctuations. In addition, density pertur
tion induced from the fluctuation ofc is also well known as
far asc is a minor component in the RD2 epoch; primord
fluctuation ofc induces~purely! isocurvature fluctuation to
the baryonic or the CDM component.

Thus, in the following, we study the evolutions of th
density perturbations induced by the fluctuation of the a
plitude off. For this purpose, we decompose the scalar fi
as

f~ t,k!5f~ t !1df~ t,k!, ~3.11!

wheredf denotes the fluctuation off. ~We use the same
notation for the total amplitude and for the zero-mode b
cause we believe there is no confusion.! In particular we
1-5
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study evolutions in the very early universe in order to und
stand how the fluctuations behave when the universe en
into the RD2 epoch. In realistic scenarios, the scale we
interested in@i.e., the scale corresponding to the multipolel
&O(1000)# is far outside of the horizon at this epoch a
hence we can expand the solutions to the equations as f
tions of kt. In addition, combining the relationP r50 with
Eq. ~3.4!, we obtainF52C. In the following, we use this
relation to eliminateF.

In order to discuss the evolutions of the fluctuations, i
important to clarify the equation-of-state parameters of
individual components in the universe. If all the compone
behave as the relativistic or the nonrelativistic matter, evo
tions of the perturbations are described by Eqs.~3.7!–~3.10!.
In this case, it is convenient to distinguish the photon~or any
other components! from the decay product off from that
from the inflaton field, which we callgf and gx ,
respectively.6 In order to considerdgf

in the RD2 epoch, we

can neglectgx since the CMB radiation at this epoch
dominantly from thef field. Then, we find that, in the RD2
epoch,C anddgf

become constant whileVgf
5O(kt) up to

higher order corrections. Indeed, combining Eq.~3.3! with
Eqs.~3.7! and ~3.8!, and usingd tot5dgf

andVtot5Vgf
, we

obtainVgf
52 1

2 ktCRD2
(df) and

dgf
522CRD2

(df) , ~3.12!

whereCRD2
(df) is the metric perturbation induced by the p

mordial fluctuation of the amplitude off. @In the following,
the superscript ‘‘(df)’’ is for perturbations generated from
the primordial fluctuation off.# As we mentioned,CRD2

(df) is
constant up to a correction ofO(k2t2).

Behavior ofdgx
is also easily understood. In discussin

the effects of the primordial fluctuation off, we neglect the
initial fluctuation of the inflaton field and hencedgx

→0 in
the deep RD1 epoch. In addition, from Eqs.~3.7! and ~3.8!,
Vgx

becomes higher order inkt than dgx
and C. Thus we

obtain

dgx
54C (df). ~3.13!

The above relation holds in the RD1,fD, and RD2 epochs
up to corrections ofO(k2t2).

For the following discussion, it is convenient to define t
entropy perturbation betweengf andgx :

Sfx
(df)[

3

4
dgf

2
3

4
dgx

52
9

2
CRD2

(df) . ~3.14!

6In fact, these photons are mixed and they cannot be defined s
rately. In other words, their velocity perturbations should be
same since they form a single fluid. Even so, the following ar
ments are unchanged as far as we consider the leading terms
density perturbations since the velocity perturbation is at m
O(kt). In the following discussion,gf and gx should be under-
stood as representatives of the components which are and ar
generated from the decay product off, respectively.
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For superhorizon modes, this entropy perturbation is a c
stant of time@23#. In addition, for example, for the cas
where thef field starts to oscillate during thexD epoch,

Sfx
(df)5F3

4
dgf

2
3

4
dgxG

RD2

5Fdf2
3

4
dgxG

fD,RD1

5@df2dx#xD , ~3.15!

where the last equality holds for the epoch whenf and the
inflaton field are both oscillating.

Density ~and other! fluctuations in the RD2 epoch ar
generally parametrized by usingSfx

(df) . If a componentX is
generated from the decay product off, then there is no
entropy between the photon~i.e.,gf) andX. On the contrary,
if some other scalar fieldc generatesX, the entropy between
the photon andX is the same asSfx

(df) . Thus, if all the com-
ponents in the universe are generated fromf, the density
fluctuations become purely adiabatic and

@dg
(df)#RD25

4

3
@db

(df)#RD25
4

3
@dc

(df)#RD2522CRD2
(df) ,

~3.16!

where the subscriptsg, b, andc are for the photon, baryon
and CDM, respectively. In this case, the isocurvature per
bation in thef field is converted to the purely adiabat
density perturbation after the decay off @17–20#. On the
contrary, if the baryon asymmetry is generated by the sc
field c, the entropy between the radiation and the bary
becomesSfx

(df) and hence@20#

@dg
(df)#RD25

4

3
@dc

(df)#RD2522CRD2
(df) ,

@db
(df)#RD25

3

4
@dg

(df)#RD21
9

2
CRD2

(df) , ~3.17!

and in the case wherec is responsible for the CDM while
the baryon number is somehow generated from the de
product off,

@dg
(df)#RD25

4

3
@db

(df)#RD2522CRD2
(df) ,

@dc
(df)#RD25

3

4
@dg

(df)#RD21
9

2
CRD2

(df) . ~3.18!

In addition, if the baryon and the CDM are both genera
from sources other thanf, we obtain

@dg
(df)#RD2522CRD2

(df) ,

@db
(df)#RD25@dc

(df)#RD25
3

4
@dg

(df)#RD21
9

2
CRD2

(df) .

~3.19!
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It is important to notice that, for the cases given in E
~3.17!–~3.19!, the isocurvature perturbation is correlat
with the adiabatic perturbation.

In the case with thec field which is responsible for the
baryon or the CDM, more careful considerations are need
Adopting the parabolic potential forc, the fluctuation of the
c field obeys

dc̈13Hdċ1Fk2S a

a0
D 2

1mc
2 Gdc

522mc
2cC1ċ~Ċ23Ḟ!. ~3.20!

Solving this equation, we see that the fluctuation ofc at the
time of H;mc is of the order of@cC#H;mc

. If the c field

starts to oscillate in the RD1 epoch, the energy density oc
behaves as that of nonrelativistic components even when
metric perturbationC is negligibly small. In this case
@cC#H;mc

is small enough to be neglected and the form

discussion applies. Ifc starts to oscillate in thefD epoch,
on the contrary, the situation changes. In this case, thec field
is slowly rolling when thefD epoch starts anddc at the
time of thef domination is negligibly small. Then, solvin
Eq. ~3.20! for the superhorizon mode, we obtain

dcfD
(df)5ċCfD

(df)t, ~3.21!

where we used the fact thatĊ andḞ are small enough to be
neglected in thefD epoch. With Eq.~3.21!, we can calculate
the density fluctuation ofc as @rcdc#fD523Hċ2CfD

(df)t.
Importantly, the relation~3.21! holds even after thec field
starts to oscillate, as far asH is substantially larger than th
decay rate ofc. So, we can calculate the entropy betweenc
and f in the fD epoch after thec field starts to oscillate;
using the relation@df#fD522CfD

(df) and^ċ2&5rc , we see
that the entropy betweenc and f vanishes. Thus, if thec
field is slow-rolling when thefD epoch starts, density pe
turbation of the component generated fromc becomes adia-
batic. If thec field starts to oscillate just at the time when t
fD epoch starts, the correlated mixture of the adiabatic
isocurvature perturbations is generated but the ratio of
metric perturbation to the entropy perturbation may devi
from that given in Eqs.~3.17!–~3.19!.

Before closing this section, let us estimate the size
Sfx

(df) . As we mentioned before, primordial fluctuation of th
f field is probably generated during the inflation. In th
case, calculating the two-point function off in the de Sitter
background, we obtain

^0udf~ t,xW !df~ t,yW !u0& inf5E dk

k
udf~ t,kW !u2eikW (xW2yW ),

~3.22!

where the Fourier amplitude for the case ofmf!H inf is
given by
06350
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df~ t,kW !5S k

2aHinf
D 2mf

2 /3H inf
2 FH inf

2p G
k5aHinf

. ~3.23!

~The subscript ‘‘inf’’ means that the correlation function
evaluated during the inflation.! Once the wavelength be
comes longer than the horizon scale, the scalar-field fluc
tion obeys the following equation:

df̈13Hdḟ 1Fk2S a

a0
D 2

1mf
2 Gdf

522mf
2 fC1ḟ~Ċ23Ḟ!. ~3.24!

First, let us consider the case wheref init!M* . In this
case, when thef field starts to move, the energy density
f is much smaller than the total energy density of the u
verse. In studying the density perturbations generated by
primordial fluctuations off, the metric perturbations ar
negligibly small until the energy density off becomes com-
parable to the total energy density of the universe. In t
case, we can neglect the terms containing the metric pe
bations in Eq.~3.24!. Furthermore, thek2 term is also irrel-
evant for the superhorizon perturbations. Then, we can
that, with the above approximations,df obeys the same
equation as the zero mode. Neglecting the decaying m
we obtain the relation

df~ t,k!5
df init~k!

f init
f~ t !, ~3.25!

wheredf init is the initial value of the fluctuation off, which
is H inf/2p. In addition, dx→0 ~and hencedgx

→0) in the

early universe, and hence the initial value ofSfx
(df) is esti-

mated as

Sfx
(df)~k!5

drf~ t,k!

rf~ t !
2dx~ t !5

2df init~k!

f init
. ~3.26!

Thus the entropySfx
(df) increases as the initial amplitude off

decreases. If the initial amplitude off becomes close to
M* , the energy density off becomes comparable to th
total energy density of the universe. Then, the metric per
bationC becomes comparable to the density perturbation
the f field df . In this case, sizableC generates the densit
perturbations of other components and hence relation~3.26!
may not hold. Even in this case, however, Eq.~3.26! pro-
vides a good order-of-estimation of the primordial entro
perturbation betweenf andx at the time when thef field
starts to oscillate; as far as there is no inflation caused byf,
Sfx

(df);O(df init /M* ) whenf init;M* .

IV. CMB ANGULAR POWER SPECTRUM: OVERVIEW

In this section we study the CMB anisotropy genera
from fluctuations of various scalar fields. The CMB aniso
ropy is characterized by the angular power spectrumCl
which is defined as
1-7
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^DT~xW ,gW !DT~xW ,gW 8!&xW5
1

4p (
l

~2l 11!Cl Pl~gW •gW 8!,

~4.1!

with DT(xW ,gW ) being the temperature fluctuation of the CM
radiation pointing to the directiongW at the positionxW andPl
is the Legendre polynomial. The angular power spectrumCl
depends on the properties of the primordial density fluct
tions and hence it provides probes for studying how the d
sity perturbations are generated in the early universe.

In the scenario we consider, there are three poss
sources of the density perturbations; the primordial fluct
tions of the scalar fieldsx, f, and c. Since there is no
correlation among these fields, the CMB anisotropies fr
these fluctuations are uncorrelated and the resultant C
power spectrum is given in the form

Cl5Cl
(dx)1Cl

(df)1Cl
(dc) , ~4.2!

where Cl
(dx) , Cl

(df) and Cl
(dc) are contributions from the

primordial fluctuations of the inflaton fieldx, the f field,
and thec field, respectively.7

The inflaton contributionCl
(dx) is the same as the adia

batic result whileCl
(dc) becomes the purely isocurvature on

Thus, in the following, we study the properties ofCl
(df) .

Effects of the primordial fluctuation of thef field depend
on the scenario as we discussed. If all the components in
universe originate tof, then the density perturbations b
come adiabatic. In this case, it is difficult to experimenta
distinguishCl

(df) from the adiabatic CMB power spectrum
generated from the inflaton fluctuations. Even in this ca
however, there are important implications in studying s
narios of generating the cosmic density fluctuations, like
flation, as will be discussed in Sec. V.

On the contrary, if the scalar fieldc exists which is re-
sponsible for the baryon or the CDM,Cl

(df) may become
different from the angular power spectrum from the pur
adiabatic density perturbation since the adiabatic and iso
vature perturbations can be generated with cross-correla
Although we have considered the entropy perturbations
the baryonic and the CDM sectors separately in Eqs.~3.17!–
~3.19!, we found that the resultantCl

(df) is primarily deter-
mined by the entropy between the nonrelativistic matter
radiation; if we parametrize the density perturbation of
nonrelativistic component as

@dm
(df)#RD2[@~Vb /Vm!db

(df)1~Vc /Vm!dc
(df)#RD2

5
3

4
@dg

(df)#RD21kmCRD2
(df) , ~4.3!

whereVb , Vc , andVm are the~present! density parameters
for the baryon, the CDM, and the nonrelativistic compon

7If all the components in the universe are generated from
decay product off, the c field is irrelevant andCl

(dc) does not
exist.
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~and henceVm5Vb1Vc), the parameterkm determines the
shape ofCl

(df) . With the relations~3.17!, ~3.18!, and~3.19!,
km becomes9

2 (Vb /Vm), 9
2 (Vc /Vm), and 9

2 , respectively.
On the contrary, if thec field is slow-rolling when thefD
epoch starts,km vanishes. In addition, ifc accidentally starts
to oscillate just at the beginning of thefD epoch,km may
take any value between 0 and9

2 . This may happen, howeve
when the expansion rate at the beginning of thefD epoch
accidentally becomes comparable tomc .

In Fig. 3 we plot the angular power spectrum with th
correlated mixture of the adiabatic and isocurvature per
bations in the baryonic and/or CDM sector, i.e., the ca
with the relations given in Eqs.~3.17!–~3.19!. Here, we con-
sider the flat universe withVbh250.019, Vm50.3, andh
50.65 @24#, whereh is the Hubble constant in units of 10
km/s/Mpc. For comparison, we also plot the angular pow
spectrum for the purely adiabatic and isocurvature cases~i.e.,
Cl

(dx) and Cl
(dc)). As one can see, the CMB angular pow

spectrum strongly depends on properties of the primor
density perturbations. If there exists correlated entropy
tween the baryon and other components with the rela
~3.17!, negative interference between the adiabatic a
isocurvature; perturbations suppressCl at lower multipole
while the effect of the isocurvature perturbation becomes
small to affect the structure at high multipole. As a result,
angular power spectrum is enhanced at the high multip
rather than at the low multipole. If the effect of the entro

e

FIG. 3. The angular power spectrum with correlated mixture
the adiabatic and isocurvature perturbations in the baryonic se
~solid line!, in the CDM sector~long-dashed line!, and in the bary-
onic and CDM sectors~dot-dashed line!. @See Eqs.~3.17!, ~3.18!,
and ~3.19!, respectively.# We also show the CMB angular powe
spectrum in the purely adiabatic~short-dashed line! and isocurva-
ture density perturbations~dotted line!, i.e., Cl

(dx) and Cl
(dc) . We

consider the flat universe withVbh250.019, Vm50.3, and h
50.65, and the initial power spectral indices for primordial dens
perturbations are all assumed to be 1~i.e., we adopt scale-invarian
initial power spectra!. The overall normalizations are taken as@ l ( l
11)Cl /2p# l 51051.
1-8
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COSMIC DENSITY PERTURBATIONS FROM LATE- . . . PHYSICAL REVIEW D 66, 063501 ~2002!
perturbation becomes more efficient, thenCl
(dc) at high mul-

tipole is suppressed relative to that at low multipole like
the purely isocurvature case. This happens when the ent
perturbation is in the CDM component with the conditio
given in Eq.~3.18!. In addition, with the relation given in Eq
~3.19!, the correlated entropy becomes more effective th
the case where only the CDM sector has the correlated
tropy. Then, the acoustic peaks are more suppressed rel
to the Sachs-Wolfe~SW! tail.

As discussed in the previous section, in the general c
the km parameter may vary between 0 and9

2 , and hence the
CMB anisotropy generated from the primordial fluctuation
f changes its behavior askm varies. In particular, ifdf init is
the only source of the cosmic density perturbations, too la
km results in angular power spectrum which is inconsist
with observations. In this case, we can derive a constrain
the km parameter.

In order to derive the constraint, we calculate t
goodness-of-fit parameterx2522 lnL, whereL is the like-
lihood function, as a function ofkm . In our calculation, the
offset log-normal approximation is used@25#. We use a data
set consisting of 65 data points; 24 from COBE Different
Microwave Radiometer~DMR! @1# in the range 2< l<25,
19 from BOOMERanG@2# in the range 76< l<1025, 13
from MAXIMA @3# in the range 36< l<1235, and 9 from
DASI @4# in the range 104< l<864. From Fig. 4, we can
read off the constraint onkm . Requiringx<84, which cor-
responds to a 95% C.L. allowed region for thex2 statistics
with 64 degrees of freedom, we obtain the constraintkm
<0.3 for Vm50.3, and 1.7<km<2.0 for Vm50.2. Interest-
ingly, the x2 variable is relatively suppressed whenkm;2.
This is because the heights of the acoustic peaks relativ
the SW tail once increase then decrease as we increas
km parameter. In particular, whenkm;2, the heights of the
acoustic peaks relative to the SW tail become similar to th

FIG. 4. x2 as a function ofkm . We take Vbh250.019, h
50.65, and the values ofVm are shown in the figure. The fla
universe is assumed. Notice that thekm parameter is smaller than92
in our scenario.
06350
py

n
n-
ive

e,

f

e
t
n

l

to
the

e

from the adiabatic density perturbations which well agre
with the observations. Of course, if the effects ofCl

(dx) or
Cl

(dc) become important, the above constraint onkm does not
apply.

V. CASE WITHOUT ENTROPY PERTURBATIONS

If all the components of the universe~i.e., the photon,
baryon, CDM, neutrino, and so on! are generated from the
decay product off, there is no entropy between any tw
components. In this case, the resultant angular power s
trum is given in the form

Cl5Cl
(dx)1Cl

(df) . ~5.1!

Importantly, the two contributionsCl
(dx) andCl

(df) are both
from adiabatic perturbations. Thus, for the case where s
dependence of the sources ofCl

(dx) and Cl
(df) , i.e., C (dx)

and Sfx
(df) , are the same,Cl

(df)}Cl
(dx) . In this case, it is

impossible to test the scenario withf using experimental
data.

In general, however, the scale dependences ofC (dx) and
Sfx

(df) are different. In the slow-roll inflation scenario,C (dx)

is generated from the fluctuation of the inflaton amplitu
and is given by@26#

CRD2
(dx)5

4

9 FH inf

2p

3H inf
2

Vinf8
G

k5aHinf

, ~5.2!

whereVinf8 []Vinf /]x with Vinf being the inflaton potential
On the contrary,Sfx

(df) is related to the fluctuation of the
amplitude off, as seen in Eq.~3.26!, and hence

Sfx
(df)5

2

f init
FH inf

2p G
k5aHinf

. ~5.3!

In many models of slow-roll inflation, the expansion rateH inf
is almost constant during the inflation. On the contrary,
slope of the inflation potentialVinf8 may significantly vary. As
a result, Sfx

(df) becomes~almost! scale independent while
C (dx) may have sizable scale dependence. Since the
rently measured CMB power spectrum suggests~almost!
scale invariant primordial density perturbation in the conve
tional scenario, inflation models are excluded ifC (dx) has
too strong a scale dependence@27#.

If the f field exists, however, the situation may chang
Since the variableSfx

(df) is expected to be~almost! scale in-
variant, we can relax the constraint on the inflation model
Cl

(df) becomes significantly large, which happens wh
Sfx

(df)*C (dx). As shown in Eq.~3.26!, Sfx
(df) is inversely pro-

portional tof init . Thus, if the initial amplitude off is sup-
pressed, this may happen. In particular, ifCl

(df)@Cl
(dx) , the

present cosmic density fluctuations are totally from the p
1-9
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TAKEO MOROI AND TOMO TAKAHASHI PHYSICAL REVIEW D 66, 063501 ~2002!
mordial fluctuation off @18–20#. ~Such a scenario is some
times called the ‘‘curvaton scenario.’’8!

In addition, this mechanism of converting the isocurvatu
density perturbation in the scalar field to the adiabatic d
sity perturbation may have some significance in the pre-b
bang@15# and ekpyrotic@16# scenario. In Refs.@18,19# it was
discussed that the present cosmological density perturba
may be generated from the primordial fluctuation of so
axion-like fields in the pre-big-bang and ekpyrotic scenari

VI. CASES WITH ENTROPY PERTURBATIONS

In this section we discuss the CMB angular power sp
trum in cases with entropy perturbations. In particular,
study the effects of the correlated entropy perturbation g
erated in the cases where the baryonic or the CDM com
nent is generated fromc, not from f. As we mentioned, if
the c field starts to oscillate before thefD epoch starts, the
relation ~3.17!, ~3.18!, or ~3.19! holds. On the contrary, ifc
is slow-rolling at the time of thef-domination, density per-
turbations become adiabatic. Thus, in this section, we c
sider the most typical relations~3.17!–~3.19! when the adia-
batic and isocurvature perturbations exist with cro
correlation. In the general case, as we mentioned, the rela
between the adiabatic and isocurvature perturbations may
viate from Eqs.~3.17!–~3.19!. This may happen, howeve
only if the expansion rate at the beginning of thefD epoch
becomes accidentally close tomc , and we will not consider
such a case in this paper.~See@29# for such a case.!

As discussed in the previous section, the CMB pow
spectrum is given in the form

Cl5Cl
(dx)1Cl

(df)1Cl
(dc) . ~6.1!

Here,Cl
(dx) is from the inflaton fluctuation which is usuall

parametrized by the metric perturbation generated by the
flaton fluctuation~in the RD2 epoch!, CRD2

(dx) . In addition,
Cl

(df) and Cl
(dc) are parametrized by the entropy perturb

tions in the baryon or the CDM. To parametrize these c
tributions, we define the ratios

Rb[Sbg
(df)/CRD2

(dx) , Rc[Scg
(df)/CRD2

(dx) , ~6.2!

and

ab[Sbg
(dc)/CRD2

(dx) , ac[Scg
(dc)/CRD2

(dx) , ~6.3!

whereSbg
(df) (Scg

(df)) is the entropy between the baryon a
the photon~between the CDM and the photon! generated
from the primordial fluctuation off, andSbg

(dc) andScg
(dc) are

those fromdc. @We adopt Eqs.~3.17! and~3.18!, and hence
Sbg

(dc) and Scg
(dc) are equal to9

2 CRD2
(df) if they are nonvanish-

ing.# The shape of the CMB angular power spectrum
pends on the values of these parameters.

8For recent discussions on the curvaton scenario, see@28#.
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The expressions forCRD2
(dx) and Sfx

(df) are given in Eqs.
~5.2! and~5.3!, respectively, and hence, ifc starts to oscillate
before thefD epoch starts, theR parameters are given as

Rb,c5
3

2 F Vinf8

f initH inf
2 G

k5aHinf

. ~6.4!

HenceRb,c is model- and scenario-dependent; it depends
the scale of inflation, shape of the inflaton potential, a
initial amplitude off. For example, in the chaotic inflatio
model with the parabolic potentialVinf5

1
2 mx

2x2, the above
expression becomes

@Rb,c#chaotic5F 9M
*
2

f initx
G

k5aHinf

. ~6.5!

Using the fact that the inflaton amplitude at the time of t
horizon crossing of the COBE scale isx.15M* in the cha-
otic inflation model,@Rb,c#chaotic.0.6M* /f init . Of course,
the values ofRb and Rc depend on the model of inflation
and they vary if we consider a different class of inflatio
models.

The a parameters are also estimated in the similar w
and the result is given from the expression for theR param-
eters by replacingf→c.

A. Uncorrelated entropy perturbation

Although our main subject is to investigate effects of t
fluctuation of thef field, it is instructive to study effects o
the uncorrelated isocurvature perturbations. Thus let us
consider the case with uncorrelated isocurvature pertu
tions ~i.e., the case withRb5Rc50).

In this case, the resultant CMB power spectrum is giv
in the form

Cl5Cl
(dx)1a2@Cl

(dc)#a51 , ~6.6!

wherea here isab or ac depending on the scenario.
In Fig. 5 we plot the total angular power spectrum f

several values ofab ~with ac50). As can be seen, as th
effects of the isocurvature mode become more significa
the power spectrum at the high multipole is more suppres
relative toCl at smalll. In addition, since the effects ofCl

(dc)

at high multipole are very small, the structure of the acous
peaks are almost unchanged from the adiabatic result un
the ab parameter becomes extremely large.

Since the isocurvature mode changes the shape of
CMB power spectrum, upper bounds on thea parameters
can be obtained; if thea parameters are too large, the acou
tic peaks are so suppressed that the CMB power spec
becomes inconsistent with the observations.9

As in the previous case, we calculate thex2 variable as a
function ofab , and the results are shown in Fig. 6. From t

9For other discussions on the constraints on the uncorrel
isocurvature perturbations, see@30#.
1-10
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COSMIC DENSITY PERTURBATIONS FROM LATE- . . . PHYSICAL REVIEW D 66, 063501 ~2002!
figure, we see that too large anab is disfavored by the cur-
rent observations; takingVm50.3, which gives the mos
conservative upper bound onab , the constraintab<4.5 at
95% C.L. is obtained.

The CMB angular power spectrum withacÞ0 can be
also studied. In fact, the above results withabÞ0 can be
translated to the CDM isocurvature cases; the CMB ang
power spectrum for the baryonic and the CDM isocurvat
cases are the same ifVbab5Vcac ; using this relation we
can also derive the upper bound onac . Thus, in any case

FIG. 5. The CMB angular power spectrum with the mixed ba
onic isocurvature and adiabatic density perturbations withab50
~solid line!, 3 ~long-dashed line!, and 5 ~short-dashed line!. The
cosmological parameters are the same as those in Fig. 3. The o
normalizations are arbitrary.

FIG. 6. x2 as a function ofab . Here we takeVbh250.019, h
50.65, and the values ofVm are shown in the figure. The fla
universe is assumed.
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the heights of the acoustic peaks decrease relative to the
tail as the~uncorrelated! isocurvature fluctuation contami
nates.

B. Correlated entropy perturbation in the baryonic sector

Now, we study effects of the correlated entropy fluctu
tion in the baryonic sector~i.e., the case withRbÞ0). Here,
we assume other entropy perturbations to vanish~i.e., Rc
5ab5ac50). The general case will be discussed later.10 In
this case, the total angular power spectrum is given in
form

Cl5Cl
(dx)1Rb

2@Cl
(df)#Rb51 . ~6.7!

Thus, we expect that, as theRb parameter increases, the a
gular power spectrum at the high multipole is more enhan
relative toCl at the low multipole.

In Fig. 7 we plot the resultant angular power spectru
with several values ofRb . As expected,Cl at the high mul-
tipole is more enhanced relative to that at low ones as theRb
parameter increases, and hence it can be a signal of the
decaying scalar condensation.

In fact, if theRb parameter is too large, the angular pow
spectrum at high multipole is too enhanced, which becom
inconsistent with the currently available data. For the qu
titative discussion, we calculate the goodness-of-fit para
eter as the previous case as a function ofRb . The results are
shown in Fig. 8 for several sets of the cosmological para
eters. The figure shows that too largeRb becomes inconsis

10Notice that thea parameters vanish, for example, for the ca
where the effective mass of thec field becomes comparable to~or
larger than! the expansion rate during the inflation.

-

rall

FIG. 7. The CMB angular power spectrum for the case ofab

50. Here we takeRb50 ~solid line!, 5 ~long-dashed line!, and 10
~short-dashed line!. The cosmological parameters are the same
those in Fig. 3. The overall normalizations are arbitrary.
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tent with the observationsif the total angular power spec
trum is given by the sum of Cl

(dx) and Cl
(df). Numerically,

even adopting the most conservative constraint,Rb>4.5 is
excluded at 95% C.L.

Before closing this section, we would like to comment
the case where the cosmic density perturbations are to
from the primordial fluctuation off, i.e., the case of the
curvaton scenario. In this class of scenario, if the curva
field f does not generate the baryon~or the CDM!, the adia-
batic and isocurvature perturbations may be generated
cross-correlation with the relation given in Eq.~3.17! @or Eq.
~3.18!#.11 The curvaton scenario requiresCl

(df)@Cl
(dx) and

henceRb ~or Rc) becomes much larger than 1, which
already excluded by the current observations. (Rc@1 is also
excluded as will be shown in the next section.! One caveat to
this argument is that, if thec field is so light that it starts to
oscillate after the curvaton field dominates the universe,Rb
~or Rc) vanishes and such a scenario is consistent with
current data.

C. Correlated entropy perturbation in the CDM sector

In this section we consider the case with the correla
entropy perturbation in the CDM sector. Effects of the c
related entropy perturbation in the CDM sector are differ
from those in the baryonic sector. Since the density par
eter for the CDMVc is significantly larger thanVb , entropy
between the nonrelativistic matter and the radiation beco
larger compared to the baryonic case. Then, the effects o
correlation between the adiabatic and isocurvature pertu

11In more complicated cases, this may not be the case. If s
fraction of the baryon is from the decay product off while the rest
is from c, for example, the relation given in Eq.~3.17! does not
hold. In this paper, however, we do not consider such a complic
scenario.

FIG. 8. x2 as a function ofRb . We takeVbh250.019 andh
50.65. The values ofVm are shown in the figures. The flat univers
is assumed.
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tions become less significant while the effect of the isoc
vature perturbation itself becomes more important. As a
sult, as discussed in the previous section, if there exists
correlated entropy perturbation in the CDM sector with t
relation ~3.18!, the acoustic peaks become lower relative
the SW tail. In Fig. 9 we show the resultant CMB angu
power spectrum for several values ofRc ~with Rb5ab5ac
50). As Rc increases, the acoustic peaks are more s
pressed relative to theCl at lower multipole.

As in the previous cases, if the effect of the isocurvatu
perturbation becomes too effective, the resultant power sp
trum becomes inconsistent with the observations. Thus,
ing the current experimental data, we can put an upper bo
on theRc parameter. In Fig. 10, we plot the goodness-of
parameterx2 as a function ofRc for several sets of the cos
mological parameters. As one can see, even adopting
most conservative case,Rc larger than 2.0 is excluded a
95% C.L.

D. General case

Now, we are ready to study the most general case,
case withRÞ0 and aÞ0. In this case, the total angula
power spectrum is written in the form

Cl5Cl
(dx)1R2@Cl

(df)#R511a2@Cl
(dx)#a51 . ~6.8!

Effects of the nonvanishingR anda parameters can be rea
off from Fig. 3; normalizing the SW tail, nonvanishingRb
increases the heights of the acoustic peaks while nonvan
ing Rc , ab , andac suppress the acoustic peaks. First, let
consider the baryonic isocurvature perturbations. In Figs
and 12 we show the contours of the constantC1st/C10 and
C1st/C2nd on theRb vs ab plane, whereC1st andC2nd are the
heights of the first and second acoustic peaks, respectiv

e

d

FIG. 9. The CMB angular power spectrum for the case w
correlated entropy perturbation in the CDM sector withRc50
~solid line!, 1 ~long-dashed line!, and 2 ~short-dashed line!. The
cosmological parameters are the same as Fig. 3. The overall
malizations are arbitrary.
1-12
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As one can see, a larger value ofRb (ab) corresponds to a
larger~smaller! ratio of C1st/C10. Importantly, the correlated
and uncorrelated entropy perturbations affect the height
the acoustic peaks in the opposite way. Thus, even with
tremely large values of theRb andab parameters, the ratio
C1st/C10 may take a similar value as that from the adiaba
case ifRb andab are properly related. The ratioC1st/C2nd is
less sensitive to the parametersRb andab , and for a larger
~smaller! value ofRb (ab), the ratioC1st/C2nd is suppressed
We also calculated the ratioC3rd/C2nd ~with C3rd being the
height of the third acoustic peak! and found that this ratio is
almost independent ofRb andab . This is because the struc
ture of the angular power spectrum at high multipole
dominantly determined by the adiabatic part of the pertur
tions. We would like to emphasize that the effects of t
primordial fluctuations of thef andc field are quite differ-
ent; Cl

(df) is enhanced at a high multipole whileCl
(dc) be-

comes larger at a low one. Thus, if the parametersRb andab

FIG. 10. x2 as a function ofRc . We takeVbh250.019, h
50.65, and the values ofVm are shown in the figure. The fla
universe is assumed.

FIG. 11. Contours of constantC1st/C10 on theRb vs ab plane.
~The ratios are shown in the figure.! Here,Rc5ac50 and we take
the cosmological parameters the same as in Fig. 3.
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obey a specific relation, the adiabatic result may be m
icked even when the effects of the entropy perturbation
quite large.

To study this issue, we calculate the goodness-of-fit
rameterx2 as a function ofRb and ab ~with Rc5ac50).
Here, the overall normalization ofCl is chosen such that th
x2 variable is minimized. The results are shown in Fig.
for several sets of the cosmological parameters. Here, all
primordial density perturbations are assumed to be sc
invariant. For the cases withVm50.2 and 0.3, it is interest-
ing that large values ofRb andab are allowed. In particular,
for the case withVm50.2, only the case with nonvanishin
Rb andab is allowed. Importantly, in this parameter regio
the CMB anisotropy originates to nonadiabatic density p
turbations while the contribution from the inflaton fluctuatio
Cl

(dx) becomes negligibly small. In the following, we ca
this case a ‘‘modified-curvaton’’ case. It should be notic
that, in the modified-curvaton case, the parametersRb and
ab satisfy the relationab.(1.0–1.7)Rb for Vm50.3. For
Vm50.4, large values ofRb andab are not allowed in con-
trast to other cases.

It is interesting to study whether the angular power sp
trum in the modified-curvaton case can be distinguish
from the adiabatic one by the on-going and future expe
ments. In Fig. 14 we plot the CMB angular power spectru
in the adiabatic and modified-curvaton cases,Rb5ab50,
and Rb550 andab563 ~which minimizes thex2 variable
for Rb550), respectively. In the modified-curvaton case, t
shape of the power spectrum at high multipole is determi
by Cl

(df) which is similar to that of the adiabatic case. Th
it is difficult to distinguish two cases just by looking at th
power spectrum at high multipole. However, as one can s
the structure of the angular power spectrum at relatively l
multipole is significantly affected. In particular, the rat
C1st/C2nd will provide us an interesting probe for studyin
the modified-curvaton scenario. Since the MAP is expec
to measure the angular power spectrum at theO(1%) level
up to the multipolel;1000–2000,Cl at the high multipole
may be used to calibrate the power spectrum to see the
tortion of the CMB angular power spectrum from the ad
batic result.

We can also consider the case where the CDM sector
correlated and uncorrelated entropy perturbations~i.e., the

FIG. 12. The same as Fig. 11, except that the contours are t
of constantC1st/C2nd.
1-13
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TAKEO MOROI AND TOMO TAKAHASHI PHYSICAL REVIEW D 66, 063501 ~2002!
case withRcÞ0 and acÞ0). Importantly, correlated and
uncorrelated entropy perturbations both suppress the ang
power spectrum at high multipole relative to the low on
Thus, in this case, too largeRc is always excluded irrespec
tive of the value ofac if the baryon is from the decay prod
uct of f.

VII. CONCLUSION

In this paper we discussed the effects of the late-ti
entropy production due to the decay of the scalar-field c
densations on the cosmic density perturbations. If the u
verse is reheated by the decay of the scalar fieldf, many of
the components in the present universe are generated
the decay products of thef field. In such a case, cosmi
density perturbations are affected by the fluctuation of
amplitude off which may be generated during the inflatio

FIG. 13. Contours of constantx2 on theRb vs ab plane. We
show contours ofx2584 ~solid line! and 93~dashed line!, which
correspond to a 95% and 99% C.L. allowed region with thex2

statistics with 64 degrees of freedom, respectively. Here we
Vbh250.019, h50.65, and the values ofVm are shown in the
figures.
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If all the components in the universe originate to the d
cay product off, density perturbations generated from t
primordial fluctuation off become adiabatic. In this cas
the CMB angular power spectrum from the fluctuation off
becomes the usual adiabatic ones with~almost! scale-
invariant spectrum. If this becomes the dominant part of
cosmic density perturbations, then we have seen that the
straints on inflation models from observations of the CM
angular power spectrum are drastically relaxed.

If the baryon or the CDM is not generated fromf but
from a new scalar fieldc, on the contrary, a correlated mix
ture of the adiabatic and isocurvature perturbations m
arise. In particular, if thec field starts to oscillate much
before thef field dominates the universe, the metric a
entropy perturbations obey the model-independent relat
In this case, the CMB angular power spectrum may be s
nificantly affected and the shape of the resultant power sp
trum depends on which component has the correlated iso
vature perturbation. If the baryonic component has
correlated isocurvature perturbation, the density pertur
tions after the decay off become those given in Eq.~3.17!.
In this case,Cl at high multipole is more enhanced relative
that at low multipole. On the contrary, if the CDM is no
generated fromf, correlated isocurvature perturbation ca
be induced in the CDM component as given in Eq.~3.18!. In
this case, heights of the acoustic peaks become lower rela
to the SW tail. If there exists a contamination of these co
ponents into the total angular power spectrum,Cl differs
from the adiabatic one. The important point is that, in bo
cases, too much correlated isocurvature perturbations
come inconsistent with the present observation of the C
power spectrum.

Even with the correlated isocurvature perturbation in
baryonic sector, heights of the acoustic peaks can be red
by introducing uncorrelated isocurvature perturbation. T

e

FIG. 14. The angular power spectrum withRb5ab50 ~solid
line!, andRb550 andab563 ~dashed line!. We takeRc5ac50.
The cosmological parameters are the same as those in Fig. 3
overall normalizations are arbitrary.
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may happen, for example, if we take account of the prim
dial fluctuation of the scalar fieldc. ~For example, this scala
field may be the Affleck-Dine field.! In particular, if the sizes
of the correlated and uncorrelated entropy perturbations
properly chosen, the resultant CMB power spectrum
comes consistent with the present observations without
effect of the inflaton fluctuation. Even in this case, the an
lar power spectrum is not exactly the same as the conv
tional adiabatic one and the deviation from the adiabatic
sult may be observed in on-going and future experiment

In summary, if there exists a correlated mixture of t
adiabatic and isocurvature perturbations, the total CMB
gular power spectrum can be distorted and it can be a si
ec
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of the late-time entropy production due to the decay of
scalar field condensation. The on-going and future exp
ments may observe such a signal.
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