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Supermassive black hole (SMBH) coalescences are ubiquitous in the history of the Universe and often
exhibit strong accretion activities and powerful jets. These SMBH mergers are also promising candidates
for future gravitational wave detectors such as Laser Space Interferometric Antenna. In this work, we
consider neutrino counterpart emission originating from the jet-induced shocks. The physical picture is that
relativistic jets launched after the merger will push forward inside the premerger disk wind material, and
then they subsequently get collimated, leading to the formation of internal shocks, collimation shocks,
forward shocks, and reverse shocks. Cosmic rays can be accelerated in these sites, and neutrinos are
expected via the photomeson production process. We formulate the jet structures and relevant interactions
therein and then evaluate neutrino emission from each shock site. We find that month-to-year high-energy
neutrino emission from the postmerger jet after the gravitational wave event is detectable by IceCube-Gen2
within approximately 5–10 years of operation in optimistic cases where the cosmic-ray loading is
sufficiently high and a mildly super-Eddington accretion is achieved. We also estimate the contribution of
SMBH mergers to the diffuse neutrino intensity and find that a significant fraction of the observed very
high-energy (Eν ≳ 1 PeV) IceCube neutrinos could originate from them in the optimistic cases. In the
future, such neutrino counterparts together with gravitational wave observations can be used in a
multimessenger approach to elucidate in greater detail the evolution and the physical mechanism of SMBH
mergers.
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I. INTRODUCTION

The coincident detection of gravitational waves (GWs)
and the broadband electromagnetic (EM) counterpart from
the binary neutron star (NS) merger event GW 170817 [1,2]
heralds a new era of multimessenger astronomy. Since the
initial discovery of GWs from binary black hole (BH)
mergers by the advanced Laser Interferometric Gravita-
tional Wave Observatory [3,4], intense efforts have been
dedicated to searching for the possible associated neutrino
emissions from binary NS-NS and NS-BH mergers (see a
review [5] and Refs. [6–11]). The joint analysis of different
messengers would shed significantly more light on the
physical conditions of compact objects, as well as on the
origin of their high-energy emissions. One vivid example
that manifests the power of including high-energy neutrino
observations as an additional messenger is the detection of

the IceCube-170922A neutrino coincident with the flaring
blazar TXS 0506þ 056 [12]. The combined analyses of
EM and neutrino emissions from TXS 0506þ 056 pro-
vided stringent constraints on the blazar particle acceler-
ation processes and the flare models [13–21].
High-energy neutrino astrophysics began in 2012–2013

by the discovery of the cosmic high-energy neutrino back-
ground [22,23]. Despite the fact that the diffuse neutrino
background has been studied for several years [24–27], its
origin still remains unknown, having given rise to a number
of theoretical models aimed at explaining the observations
(see, e.g., Refs. [28,29] for reviews). Candidate source
classes include bright jetted active galactic nuclei (AGNs)
[30–34], hidden cores of AGNs [35–38], galaxy clusters and
groups [39–41], and starburst galaxies [40,42] that contain
supernovae and hypernovae as cosmic-ray (CR) accelerators
[43] or AGNwinds or galaxymergers [44–46]. All the above
models require CR acceleration up to 10–100 PeV to explain
PeV neutrinos, because the typical neutrino energy produced
by pp or pγ interactions is Eν ∼ ð0.03–0.05ÞEp [40], where
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Ep andEν are energies of protons and neutrinos, respectively.
The same CR interactions also produce neutral pions that
decay into high-energy gamma rays, which quickly interact
withmuch lower-energy diffuse interstellar photons, degrad-
ing the gamma rays down to energies below ∼TeV, which
can be compared to the diffuse GeV-TeV gamma-ray back-
ground observed by Fermi [47,48]. An important constraint
that all such models must satisfy is that the resulting
secondary diffuse gamma-ray flux must not exceed the
diffuse isotropic gamma-ray background [37,40]. The vari-
ousmodels mentioned above satisfy, with varying degrees of
the success, the observed neutrino and gamma-ray spectral
energy densities, but there is uncertainty concerning the
occurrence rate of the posited sources at various redshifts,
due to our incomplete observational knowledge about the
behavior of the corresponding luminosity functions at high
redshifts.
Recent observations have provided increasing evidence

that a large fraction of nearby galaxies harbor supermassive
black holes (SMBHs). One influential scenario for the
formation of these SMBHs is that they, like the galaxies,
have grown their mass through hierarchical mergers (e.g.,
Ref. [49]). SMBHmergers are ubiquitous across the history
of the Universe especially at high redshifts where minor
galaxy mergers are more frequent. When galaxies merge,
the SMBHs residing in each galaxy may sink to the center
of the new merged galaxy and subsequently form a SMBH
binary [50,51]. The SMBHs gradually approach each other
as the gravitational radiation takes away the angular
momentum, which eventually leads to their coalescence,
accompanied by a GW burst. The GW burst from the final
stage of coalescing can be detected by future missions such
as the Laser Interferometer Space Antenna (LISA) [52],
providing through this channel valuable and prompt infor-
mation about the merger rates, SMBH masses, and redshift.
In addition, SMBHmergers are usually associated withmass
accretion activities and relativistic jets, which may lead to
detectable EM and neutrino emission. For example, SMBH
mergers may trigger AGN activities [53]. In this picture, the
merger of SMBHswill become an important target for future
multimessenger astronomy (e.g., Ref. [54]).
In this paper, we present a concrete model for high-

energy neutrino emission from four possible sites in the
relativistic jet of SMBH mergers, namely, the collimation
shock (CS), internal shock (IS), forward shock (FS), and
reverse shock (RS). In Sec. II, we discuss the physical
conditions in the jet and the gaseous envelope surrounding
the merging SMBHs. In Sec. III, we discuss the various
relevant dynamic and particle interaction timescales. In
Sec. IV, we calculate the neutrino emission from each site
and investigate the neutrino detection rates for IceCube and
its successor, IceCube-Gen2. We also integrated over
redshift for parametrized merger rates compatible with
our current knowledge and show that our model can
contribute a significant portion to the diffuse neutrino
background without violating the gamma-ray constraints.

We summarize and discuss the implications of our results
in Sec. V.
Throughout the paper, we use the conventional notation

Qx ¼ Q=10x and quantities are written in centimeter-gram-
second units, unless otherwise specified. The integration
over redshift is carried out in the ΛCDM universe with
H0 ¼ 71 km s−1Mpc−1, Ωm ¼ 0.3, and ΩΛ ¼ 0.7.

II. PHYSICAL CONDITIONS OF THE
PREMERGER CIRCUMNUCLEAR
ENVIRONMENT AND THE JET

The premerger circumnuclear material is thought to form
from disk winds driven by the inspiralling binary SMBHs, in
which a postmerger jet is launched, powered by the rota-
tional energy of the remnant of the merger. It consists of two
components originating, respectively, from the winds from
the circumbinary disks around the binary system and from
the minidisks surrounding each SMBH. Differently from the
relativistic jet, the bulk velocity of the winds is nonrelativ-
istic, and the mass outflow carried by the wind spreads out
quasispherically above and below the disks [55–57].
Although many jet and wind models have been proposed,
currently there is no unambiguous way to demarcate the
wind and the jet temporally. In this work, from the practical
standpoint, we conjecture that the accretion by the binary
system before the merger dominates the circumnuclear
material, while the jet is launched after the merger and,
subsequently, it propagates inside the existing premerger
disk wind. This viewpoint is supported by numerical models
of disk winds and relativistic jets. One of the most promising
theoretical models to power relativistic jets is the Blandford-
Znajek (BZ) mechanism [58], which posits that the jet is
primarily driven by the rotational energy of the central
SMBH, while it is widely accepted that the accretion
outflows dominantly produce the nonrelativistic winds. In
this case, it is reasonable to assume that the launch of the jets
occurs after the binary SMBH coalescence, as a more
massive SMBH is formed, and the wind bubble arises from
the inspiral epoch during which the powerful tidal torque
powers the strong winds. The schematic picture in Fig. 1
illustrates the evolution of the system.
As the jet penetrates deeply into the premerger disk

wind, it sweeps up the gaseous material, leading to a high-
pressure region which forces the encountered gas to flow
sideways to form a cocoon [59–65] (see also Refs. [66–68]
for the jet propagation in expanding mediums). In this
process, a forward shock and a reverse shock are also
formed due to the interaction between the jet and the
premerger disk wind. The shocks together with the shocked
material are generally referred to as the jet head. A
collimation shock will appear if the cocoon pressure is
high enough to bend the jet boundary toward the axis of the
jet, which, as a consequence, collimates the jet. Moreover,
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the velocity fluctuation in the plasma inside the jet may
produce internal shocks [69].
For the purpose of conciseness, we use the abbreviations

CS, IS, FS, and RS to represent the collimation shock,
internal shock, forward shock, and reverse shock in the
following text, respectively. We show that all four of these
sites can be CR accelerators, and we discuss the neutrino
emissions from each site. In Sec. II A, we describe the
premerger physical processes in detail and derive a quan-
titative estimation of the premerger circumnuclear envi-
ronment, while the jet structure and the shock properties are
discussed in Sec. II B.

A. Premerger circumnuclear environment

The existence of circumbinary and minidisks may have a
profound impact on the evolution of the binary system
especially in the early inspiral stage, where angular
momentum losses due to gravitational radiation are sub-
dominant compared with that from the circumbinary disk
[70–72]. There are significant uncertainties in formulating a
rigorous model of the disk-binary interactions throughout
the merger, and this is beyond the scope of this work. Here,
we consider three major factors that can dominate the disk
and binary evolution in the late inspiral phase, namely, the
viscosity, the tidal torques on the disks, and the gravita-
tional radiation of the binary system, and use these to
formulate a simplified treatment for deriving the density
profile of the premerger circumnuclear material. This
treatment can be justified, because the previously launched
disk wind material will be overtaken by the fast wind from
the late inspiral stage, which implies that we need only to
model the disk-binary interactions in a short time interval
immediately before the merger occurs.

Considering a circumbinary disk of inner radius Rd
around a SMBH binary of total mass MBH, the viscosity
time for the disk is (e.g., Ref. [73])

tvis ¼
1

αΩK

�
Rd

H

�
2

≃0.31 yrM−1=2
BH;6R

3=2
d;14α

−1
−1ðh=0.3Þ−2; ð1Þ

where α ∼ 0.1 is the viscosity parameter,H is the disk scale

height, ΩK ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GMBH=R3

d

q
is the Kepler rotation angular

velocity, MBH ¼ 106MBH;6M⊙ is the total mass of the
binary SMBHs, and the dimensionless parameter h is
defined by h ¼ H=Rd. In this study, we consider high-
mass accretion rates and assume optically thick circum-
binary disks with h ≈ 0.3. For illustrative purposes, we take
the SMBH mass to be MBH ¼ 106 M⊙ as in Ref. [74] and
assume the mass ratio of the two SMBHs is ζ ¼ 1. Initially,
before the merger, the binary system has a large semimajor
axis a, implying that the influence of the GWs for the disk
is inferior to that of the viscosity, e.g., tGW ≫ tvis. Here, the
timescale of the GW inspiral is (e.g., Ref. [75])

tGW ¼ 5

64

c5a4

G3M3
BH

ð1þ ζÞ2
ζ

≃ 1.0 × 104 yrM−3
BH;6a

4
14; ð2Þ

As the two SMBHs gradually approach each other, the
effects of the GWs become increasingly important.
However, the circumbinary disk is still able to respond
promptly to the slowly shrinking binary system until
tGW ¼ tvis. In this phase, the ratio of Rd and a remains
roughly constant, e.g., Rd ∼ 2a, as a result of the balance of
the internal viscosity torque and the tidal torque exerted by
the binary system. Later on, when the semimajor axis
shortens down to or below a certain length, the binary

FIG. 1. Schematic description of the merger of SMBHs with minidisks. The black wavy lines in the first and second panels illustrate
the disk wind that forms the premerger circumnuclear material. The second panel shows the evolution of the circumbinary disk after the
merger, while the third panel shows the postmerger jet-cocoon system. The stages of the evolution are marked on the time arrow below
the figures.
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system starts to evolve much faster and the gas in the
circumbinary disk cannot react fast enough, since GWs
take away an increasingly large amount of energy from
the binary system. The critical radius is referred to as the
decoupling radius. Equating tvis with tGW, we obtain the
decoupling radius as

Rd;dec ≃ 4.8 × 1012 cmMBH;6α
−2=5
−1 ðh=0.3Þ−4=5: ð3Þ

The accretion activity also produces disk winds that
blow away a fraction of the accreted mass, resulting
in a premerger circumnuclear material above and below
the circumbinary disk. In this study, we assume that
the accretion rate is mildly larger than the Eddington rate,
as _MBH ¼ _m _MEdd ≡ 10 _mLEdd=c2 ∼ 0.2ð _m=10ÞM⊙ yr−1.
Given the accretion rate, we parameterize the mass outflow
rate as _Mw ¼ ηw _MBH. After the disk becomes decoupled,
Rd remains roughly constant until merger occurs. The time
interval between the disk decoupling and the merger, tm,
can be estimated using Eq. (2) in combination with
tGW ¼ a=jda=dtj. After the merger, the gap between the
disk and the newly formed SMBH cannot be preserved,
and the gas starts to fill the cavity in the viscosity
timescale (e.g., Ref. [76]). Our estimate suggests
that both tm ∼ 8 × 10−4 yrMBH;6α

−8=5
−1 ðh=0.3Þ−16=5 and

tvis ∼ 3 × 10−3 yrMBH;6α
−8=5
−1 ðh=0.3Þ−16=5 at decoupling

are approximately of the order of 10−3 yr, which is much
shorter than the timescales to be considered later for the
neutrino production. In such a short time duration, the wind
formed at decoupling can reach only up to ∼1013–1014 cm,
but one may extrapolate the density profile to a farther
radius by incorporating different disk winds into one
smooth profile. Therefore, we neglect the modifications
to the disk wind due to these two short-term processes, and
we use the density profile at the decoupling to derive the jet
structure. Moreover, we assume that the jet driven by the
BZ mechanism is launched immediately after the cavity is
occupied by gas. The evolution of the binary system is
shown in the schematic pictures in Fig. 1. Given the wind
mass outflow rate _Mw and the decoupling radius Rd;dec, we
have the density distribution of the premerger circum-
nuclear material

ϱwðrÞ ¼
ηw _MBHð1þ χÞ

4πr2

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
Rd;dec

2GMBH

s
; ð4Þ

where the enhancement factor χ ≈ _Mmini
_Mw

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
2GMBH=Rd;dc

p
vmini

takes

into account the contribution of minidisks. In this expres-
sion, _Mmini represents the rate of accretion to the binary
system from the minidisks, while vmini ≈

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
2GMBH=ða=2Þ

p
is the typical escape velocity from the minidisks. We expect
Rd ∼ 2a, which implies that vmini is about twice as much as
the wind velocity of the circumbinary disk, i.e.,

vmini ≈ 2
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
2GMBH=Rd;dc

p
. On the other hand, we expect

a lower mass accretion rate onto the minidisk, e.g.,
_Mmini < _MBH, as a result of the suppression due to the
binary tidal torque. In this case, we conclude that the factor
χ is close to unity. The parameter ηw depends strongly on _m
and on the disk magnetic field. For the standard and normal
evolution model, the magnetic field is weak and ηw ranges
from 10−1 to 10−4 for super- and sub-Eddington accretions
[77–79], respectively. However, more powerful outflows
could be produced in the magnetically arrested disk model.
In this case, ηw can reach 10−2–10−1 [80]. Here, we assume
a fiducial value, ηw ∼ 10−2, and we will discuss the impact
of a higher ηw, e.g., ηw ¼ 0.1, later.

B. Postmerger jet structure and CR acceleration

The central engines of strong, highly relativistic jets are
generally assumed to be related to magnetized accretion
flows and rotation of compact objects. According to general
relativistic magnetohydrodynamics (GRMHD) simulations,
the threading magnetic flux ΦB ¼ πBHR2

g can reach the
maximum saturation value [81] ΦB ∼ 50 _M1=2

BHRgc1=2 for a
given accretion rate _MBH and horizon radius Rg ¼
GMBH=c2. Here, BH is the magnetic field that threads the
SMBH horizon, and we assume that the accretion rate
remains unchanged before and after the merger, e.g.,
_MBH ∼ 0.2 M⊙ yr−1ð _m=10Þ, where the parameter _m is
defined as the ratio of _MBH and the Eddington value
_MEdd ≡ 10LEdd=c2. In the case of the magnetically arrested
accretion, we estimate the jet kinetic luminosity to be

Lk;j ≈ ηj _MBHc2 ≃ 3.4 × 1046ð _m=10Þðηj=3Þ erg s−1; ð5Þ
where ηj is the efficiency with which the accretion system
converts accretion energy into jet energy [81]. Since this
parameter is degenerate with _m, we assume ηj ¼ 3 in the
following text.
Once the jet kinetic luminosity is specified, the shock

structure is determined by the ambient gas density distri-
bution and the Lorentz factor of the unshocked material, Γj.
We now discuss the conditions under which the jets are
collimated and for which CRs can be efficiently accelerated
in each of the shock regions including the CS, IS, RS, and
FS. The jet is typically collimated for a sufficiently high
cocoon density. Considering a jet of opening angle θj, jet
kinetic luminosity Lk;j, and isotropic equivalent kinetic
luminosity Lk;iso ≈ 2Lk;j=θ2j, the jet head position for the
collimated jet is estimated to be (e.g., Refs. [62,82])

Rh ≈ Ξ1=5L1=5
k;j ϱ̂

−1=5
w θ−4=5j t3=5j ; ð6Þ

where Ξ ¼ 16=π is a constant, tj is the jet propagation time
reckoned from the launch of the jet, and ϱ̂w ¼
ð1=RhÞ

R Rh
2Rg

ϱwðrÞdr is the average density over the cocoon
volume assuming that the cocoon’s shape is cylindrical.
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Combining Eq. (6) with the definition of ϱ̂w, we are able to
solve Rh and ϱ̂w. According to the jet-cocoon model, the
collimation shock forms at

Rcs ≈ ð2πÞ−1=2Ξ−1=5c−1=2ϱ̂−3=10w θ−1=5j t2=5j L3=10
k;j : ð7Þ

One precondition for these equations is that the jet should be
collimated, which requires Rcs ≲ Rh. From the black lines in
Fig. 3, we find that the jets with the typical parameters θj ≈
1=Γcj ≃ 0.33 and Lk;j ≃ 3.4 × 1046 erg s−1 satisfies this
requirement if tj ≳ 10−3 yr, where Γcj ≈ 1=θj ≃ 3 is the
Lorentz factor of the downstream material of the collima-
tion shock.
In the precollimation region, we assume the Lorentz

factor of the unshocked material to be comparable to that of
blazars, e.g., Γj ∼ 10, which is typically lower than the case
of gamma-ray bursts (GRBs). Internal shocks usually arise
in this region as a result of velocity fluctuations inside the
outflow, resulting in faster and slower gas shells. Numerical
simulations indicate that the fast material shells with
Lorentz factor Γr will catch up with the slower ones with
Γs nearly at the position of the collimation shock (e.g.,
Ref. [83]). Hence, we may approximate the radius of the
internal shocks to be

Ris ≈min ½Rcs; 2Γ2
jctvar�; ð8Þ

where tvar ≃ 105 s is the variability time.
Figure 2 schematically describes the structure of the jet-

cocoon system as well as the shocks inside the jet. We
consider CR acceleration and neutrino production in four
different shock sites, including the CS, IS, FS, and RS, as the
jet propagates. One necessary condition for efficient CR
acceleration through the shock acceleration mechanism is
that the shock shouldhave a sufficiently strong jumpbetween
the upstream and downstream material. Therefore, a colli-
sionless shock mediated by plasma instabilities would be
necessary rather than a radiation-mediated shock where
velocity discontinuities are smeared out [84,85].

Motivated by this, we obtain one necessary constraint on
the upstream of the shock for particle acceleration (see
Refs. [9,86] for details):

τu ¼ nuσTlu ≲min½1;ΠðΓshÞ�; ð9Þ

where τu is the upstream optical depth, nu is the comoving
number density of upstream material, σT is the Thomson
cross section, lu is the length scale of the upstream fluid, Γsh
stands for the relative Lorentz factor between the shock
downstream and upstream, and ΠðΓrelÞ is the function that
depends on details of the pair enrichment. Although the pairs
are important for ultrarelativistic shocks, we impose τu < 1
for conservative estimates.However, our results are notmuch
affected by this assumption, because the neutrino production
continues to occur when the system becomes optically thin.
The Lorentz factors for the shocks that are considered lie in
the range 1 < Γsh ≲ 5; therefore, we focus on the first
constraint in Eq. (9) for our mildly relativistic shocks. As
for the collimation shocks, combining the number density of
the upstream ncs;u ≈ Lk;iso=ð4πΓ2

jR
2
csmpc3Þ with the comov-

ing length of upstream fluid lcs;u ∼ Rcs=Γj, we have for the
optical depth

τcs;u ≈ ncs;ulcs;uσT ≈
Lk;isoσT

4πΓ3
jRcsmpc3

: ð10Þ

In the precollimated region, particles are mainly accelerated
by internal shocks. The downstream of the internal shock can
be regarded as the upstream of the collimation shock, and one
may use nis;u ∼ nis;d=Γrel-is ∼ ncs;u=Γrel-is (ignoring coeffi-
cients), where Γrel-is ≈ Γr=2Γj is the relative Lorentz factor
between the upstream and the downstream of internal shocks.
Here, we assume Γrel-is ≈ 5 and obtain

τis;u ≈
Lk;isoσT

4πRismpc3Γ3
jΓ2

rel-is

; ð11Þ

where the relationship lis;u ∼ Ris=Γj=Γrel-is is used because
the upstream unshocked flows are moving with a higher
Lorentz factor Γr.
In the jet head, the gas is rapidly decelerated to

subrelativistic speeds, implying that the Lorentz factor is
close to unity, e.g., Γh ≳ 1. Nevertheless, the shock still
satisfies the criteria for strong shocks. The ambient gas
enters the jet head through the forward shock and forms the
outer cocoon, whereas the shocked material from the jet
constitutes the inner cocoon. The dashed lines in Fig. 2
show the contact discontinuity that separates the outer and
inner cocoon components. In this case, we estimate that the
head shock upstream number density is nfs;u ¼ next ¼
ϱwðRhÞ=mp, where next is the number density of the
exterior premerger circumstellar material at Rh. With this,
we can write down the optical depth as

FIG. 2. Schematic description of the structure of the collimated
jet, where CS, IS, FS, and RS stand for collimation shock,
internal shock, forward shock, and reverse shock, respectively.
The contact discontinuity is illustrated as the dashed line.
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τfs;u ≈
ϱwðRhÞσTRh

mp
: ð12Þ

This simplified treatment is computationally convenient,
albeit with the caveat that it is optimistic when computing
the maximum energy of CRs accelerated by the FS.
Similarly, repeating this procedure, we can get the corre-
sponding quantities for the reverse shock, nrs;u ¼ ncs;d ∼
ncs;uΓrel-cs and lrs;u ∼ Rh=Γcj, where Γrel-cs ≈ Γj=2Γcj is the
relative Lorentz factor. Substituting these quantities into
Eq. (9) yields

τrs;u ≈
Lk;isoσTRh

4πR2
csmpc3Γ3

jΓ−2
rel-cs

: ð13Þ

Figure 3 shows the radiation-mediated shock constraints
at tj ¼ 10−3 yr (left panel) and tj ¼ 10−2 yr (right panel).
The magenta star corresponds to the parameter set that is
used in this work. The conditions for the jet collimation are
shown by the black solid lines. From this figure, we find
that the jet typically gets collimated in a short time
∼10−3 yr after the jet is launched. When the jet is
collimated, the upstreams of the CS and IS are optically
thin, implying that CRs may be efficiently accelerated at
these two sites. However, the forward shock and reverse
shock could still be radiation dominated for tj ≲ 10−3 yr
and, subsequently, become optically thin as the exterior gas
envelope gets less denser. Therefore, there is a time t� at
which the optical depth becomes unity, e.g., τfs;uðt�Þ ¼ 1,
and τfs;u continues decreasing after that time. Since in the
time interval tj ≲ t� the CR acceleration and the neutrino
production are suppressed, we introduce a Heaviside
function Hðtj − t�Þ in the expression for the CR and

neutrino spectra to ensure that CRs are accelerated only
after the onset time t�.

III. INTERACTION TIMESCALES

A. Nonthermal target photon fields

In the following, we focus on the cases where the shock
is collisionless and radiation unmediated. In astrophysical
environments, neutrinos are produced through the decay of
pions created by CRs via pp and/or pγ interactions. Since
the collimated jet is optically thin, we focus on nonthermal
photons produced by the accelerated electrons and treat
each site as an independent neutrino emitter, where the
subtle interactions between particles from different regions
are not considered. Here, we take a semianalytical approach
to model the synchrotron and synchrotron-self-Compton
(SSC) components of the target photon fields.
We assume a power-law injection spectrum of electrons

in terms of the Lorentz factor dNe=dγe ∝ γ−pe for
γe;min < γe < γe;max, where p is the spectral index and
γe;min and γe;max are, respectively, the maximum and
minimum electron Lorentz factors. Defining ϵe as the
fraction of internal energy that is transferred to electrons
and assuming the shocked gas mainly consists of hydrogen,
rather than eþe− pairs, one has γe;min ¼ ϵeζeΓrelðmp=meÞ,
where the parameter ζe has the typical value in the range
0.3–0.4 (e.g., Refs. [87,88]) and Γrel is the relative Lorentz
factor between the upstream and the downstream, e.g.,
Γrel-cs for electrons from the collimation shock. The
maximum electron Lorentz factor from the collimation
shock acceleration can be obtained by equating the
acceleration time te;acc ≈ γemec=ðeBcs;dÞ with the radia-
tion cooling time te;c ≈ 6πmec=½γeσTB2

cs;dð1þ ỸÞ�, where
Bcs;d ≈ ð32πϵBΓ2

rel-csncs;umpc2Þ1=2 is the downstream

FIG. 3. Radiation constraints, τi;u < 1, on θj − Lk;j plane at tj ¼ 10−3 yr (left panel) and tj ¼ 10−2 yr (right panel) for i ¼ CS (orange
lines), IS (green lines), FS (red lines), and RS (blue lines). The magenta stars show the parameters that are used: θ−1j ¼ 3 and
Lk;j ≃ 3.4 × 1046 erg s−1. The black solid line in each panel corresponds to the jet collimation condition Rcs ≲ Rh. The blue and red
areas illustrate the FS and RS constraints, respectively, whereas the overlapped areas represent the joint constraints.
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magnetic field, ϵB ≃ 0.01 is the amplification factor that
describes the fraction of the internal energy of unshocked
materials converted to the magnetic field, and Ỹ is the
Compton parameter and given in Ref. [89]. Explicitly, we
write the maximum Lorentz factor as

γe;max ¼
�

18πe

σTBcs;dð1þ ỸÞ
�
1=2

: ð14Þ

Another important quantity that characterizes the shape of
the radiation spectrum is the cooling Lorentz factor

γe;c ¼
6πmec

te;cσTB2
cs;dð1þ ỸÞ ; ð15Þ

above which electrons lose most of their energy by
radiation. In this expression, te;c ≈min½tj; tcs;dyn� is the
radiation cooling timescale, where tcs;dyn ≈ Rh=ðΓcjcÞ is the
dynamical time of the collimation shock.
Using γe;min, γe;c, and γe;max, the typical, cooling, and

maximum synchrotron emission energies in the jet comov-
ing frame are, respectively, given by

εγ;m ¼ 3

4π
γ2e;min

eBcs;d

mec2
;

εγ;c ¼
3

4π
γ2e;c

eBcs;d

mec2
;

εγ;M ¼ 3

4π
γ2e;max

eBcs;d

mec2
: ð16Þ

If γe;min > γe;c, the electrons are in the fast cooling regime,
and we obtain the energy spectrum of the synchrotron
radiation (e.g., [87,88,90]):

ε2γ
dnsynγ

dεγ
¼ Lsyn

γ

4πR2
csΓ2

cjcC
syn
γ

×

8>>>>><
>>>>>:

�
εγ
εγ;c

�
4=3

; εγ < εγ;c;�
εγ
εγ;c

�
1=2

; εγ;c < εγ < εγ;m;�
εγ;m
εγ;c

�
1=2

�
εγ
εγ;m

�ð2−pÞ=2
; εγ;m < εγ < εγ;M;

ð17Þ

where Lsyn
γ ¼ ϵeLk;iso=ð1þ ỸÞ, Csynγ is the normalization

coefficient that ensures
R
εγðdnsynγ =dεγÞdεγ ¼ Lsyn

γ =
½4πR2

csΓ2
cjc�, and ϵe=ð1þ ỸÞ represents the fraction of jet

kinetic energy transferred to synchrotron radiation. In this
work, we assume ϵe ¼ 0.1. As for SSC, we neglect the
Klein-Nishina effect, since the highest-energy photons do
not contribute significant pγ interactions. The SSC spec-
trum in the Thomson regime is then given by

ε2γ
dnsscγ

dεγ
¼ Lssc

γ

4πR2
csΓ2

cjcC
ssc
γ

×

8>>>>><
>>>>>:

�
εγ
εsscγ;c

�
4=3

; εγ < εsscγ;c;�
εγ
εsscγ;c

�
1=2

; εsscγ;c < εγ < εsscγ;m;�
εsscγ;m

εsscγ;c

�
1=2

�
εγ
εsscγ;m

�ð2−pÞ=2
; εsscγ;m < εγ < εsscγ;M;

ð18Þ

where Lssc
γ ≈ ỸLsyn

γ and the break energies are defined as
εsscγ;m ¼ 2γ2e;minεγ;m, ε

ssc
γ;c ¼ 2γ2e;cεγ;c and εsscγ;M ¼ γe;maxmec2.

Likewise, the normalization factor Csscγ is determined byR
εγðdnsscγ =dεγÞdεγ ¼ Lssc

γ =½4πR2
csΓ2

cjc�. In the early stage
of the jet propagation, the electrons are commonly in the
fast cooling regime, and the equation controlling the
distribution of nonthermal photons is

εγ
dnγ
dεγ

¼ εγ
dnsynγ

dεγ
þ εγ

dnsscγ

dεγ
: ð19Þ

The cooling of the electrons tends to be less efficient when
the magnetic field decreases as jet expands, and the energy
spectra for slow cooling electrons should be used if the
order of γe;c and γe;m is reversed, i.e., γe;c > γe;min. In this
case, the synchrotron and SSC spectra should be rewritten
by swapping εγ;m and εγ;c in Eq. (17) and swapping εsscγ;m and
εsscγ;c in Eq. (18), respectively. We also need to replace the
index 1=2 by ð3 − pÞ=2 in both equations. Considering that
only electrons with γe greater than γe;c can convert their
kinetic energies to electromagnetic emission, we introduce
one extra parameter

ηe ¼
R γe;max
γe;c γeðdNe=dγeÞdγeR γe;max
γe;min γeðdNe=dγeÞdγe

≲1; γm < γc < γM; ð20Þ

into the photon density for the slow cooling case. We adopt
the spectral index p ¼ 2.0 for electrons. Figure 4 shows the
distribution of photon densities in the jet comoving frame
for collimation shocks at tj ¼ 0.01 yr (blue lines) and
tj ¼ 1 yr (orange lines) for the super-Eddington accretion
rate _m ¼ 10.
Similarly, we can derive the photon distribution in other

shocks given the dynamic times for IS, FS, and RS, e.g.,
tis;dyn≈Ris=ðΓjcÞ; tfw;dyn≈Rh=ðβhcÞ≈ trs;dyn, where βhc ¼
c

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1 − 1=Γ2

h

p
is the jet head speed and

Γh ¼ min ½Γcj;
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1þ L̃1=2

p
� ð21Þ

is the jet head Lorentz factor. In this expression, we follow
Ref. [62] to define L̃:

L̃ ¼ Ξ2=5L2=5
k;j ϱ̂

−2=5
w c−2θ−8=5j t−4=5j : ð22Þ

HIGH-ENERGY NEUTRINO EMISSION SUBSEQUENT TO … PHYS. REV. D 102, 083013 (2020)

083013-7



Since the jet head decelerates while sweeping up the
exterior circumnuclear material and ends up being sub-
relativistic (Γh ≳ 1.0), we use the jet head velocity rather
than the Lorentz transformation to compute tfs;dyn. The
photon spectra for the IS, FS, and RS look similar to Fig. 4,
so, for the purpose of conciseness, we merely show
dnγ=dεγ for the CS case.

B. Timescales for the CRs and pions

To calculate the neutrino emission, we need to estimate
the cooling and acceleration timescales of the protons. Here
we consider the CS case as an example, and it is
straightforward to rewrite the relevant equations to cover
the IS, FS, and RS scenarios. For the CS case, the
acceleration time for protons with an energy εp is estimated
to be tp;acc ≈ εp=ðeBcs;dcÞ. While propagating in the jet, the
high-energy protons are subject to photomeson (pγ) inter-
actions, the Bethe-Heitler (BH) process1, proton-proton
(pp) inelastic collisions, and synchrotron radiation. The
energy loss rate due to pγ interactions is

t−1pγ ¼
c
2γ2p

Z
∞

ε̄th

dε̄γσpγκpγε̄γ

Z
∞

ε̄γ=2γp

dεγε−2γ
dnγ
dεγ

; ð23Þ

where γp ¼ εp=ðmpc2Þ is the proton Lorentz factor, ε̄th ≃
145 MeV is the threshold energy for pγ meson production,
and ε̄γ is the photon energy in the proton rest frame. In this
equation, σpγ and κpγ represent the pγ cross section and
inelasticity, respectively. We use the results of Ref. [91] for

σpγ and κpγ. Similarly, we use Eq. (23) to evaluate the BH
cooling rate t−1BH by replacing σpγ and κpγ with σBH and κBH
whose fitting formulas are given by Refs. [92,93], respec-
tively. The timescale of pp interactions can be written as
t−1pp ≈ ncs;dσppκppc, where κpp ≈ 0.5 is the inelasticity
and σpp is the cross section for inelastic pp collisions.
As for the synchrotron radiation, the cooling timescale for
protons is estimated to be tp;syn ¼ 6πm4

pc3=ðm2
eσTB2

cs;dεpÞ.
Assuming ϵe ¼ 0.1 and ϵB ¼ 0.01, Fig. 5 shows the
cooling rates, acceleration, and dynamical timescales for
CS, IS, FS, and RS scenarios at the jet time tj ¼ 10−2 yr.
The vertical lines represent the maximum proton energy by
Fermi acceleration, εp;acc ≈ 3

20
eBi;dti;dync. From Fig. 5, we

also find that the pp interactions are subdominant in
comparison with the photomeson (pγ) process. Given
the timescales for protons, we are able to derive the
energy-dependent neutrino production efficiencies from
pγ and pp interactions, respectively:

fpγ−cs ¼
t−1pγ

t−1p;c þ t−1cs;dyn
;

fpp−cs ¼
t−1pp

t−1p;c þ t−1cs;dyn
; ð24Þ

where t−1p;c ≡ t−1pγ þ t−1BH þ t−1pp þ t−1p;syn is the total cooling
rate and the dynamic time tcs;dyn is included to constrain the
timescale of interactions. If t−1cs;dyn is high, protons tend to
leave this site very fast before sufficiently participating in
the interactions listed above. Likewise, we can obtain the
neutrino production efficiencies for the IS, FS, and RS. As
expected, in Fig. 5 we find that pγ interactions dominate
the neutrino production instead of the pp collisions. The
reason is that the jet is neither dense enough nor has a
sufficiently large size to allow efficient pp interactions.
The secondary pions produced from pγ and pp inter-

actions may also lose energy through synchrotron and
hadronic processes, e.g., πp collisions. The pion synchro-
tron cooling timescale is tπ;syn ¼ ðm4

π=m4
pÞtp;syn, where

mπ ≈ 139.57 MeV is the mass of charged pions.
Approximately, the hadronic cooling timescale can be
written as tπp ≈ ncs;dσπpκπpc, where σπp ∼ 5 × 10−26 cm2

and κπp ∼ 0.8 are used in our calculation. Using the rest
lifetime charged pions, tπ ≃ 8.2 × 10−16 yr, the charged
pion decay rate is estimated to be t−1π;dec ≈ 1=ðγπtπÞ. For a
PeV pion, the decay rate is approximately 1.7 × 108 yr−1,
which is much larger than the reciprocal of the dynamic
time (t−1cs;dyn) and the cooling rate (t−1π;syn), implying that the
pion decay efficiency is nearly unity, e.g.,

fπ;sup -cs ≈ 1 − exp

�
−

t−1π;dec
t−1cs;dyn þ t−1π;syn

�
∼ 1: ð25Þ

FIG. 4. Collimation shock photon density distribution in the jet
comoving frame at tj ¼ 0.01 yr (blue lines) and tj ¼ 1 yr
(orange lines) for the super-Eddington accretion rate _m ¼ 10.
The synchrotron and SSC components are shown as dashed
and dash-dotted lines, respectively. The parameters ϵe ¼ 0.1,
ϵB ¼ 0.01, _m ¼ 10, and Γcj ¼ θ−1j ¼ 3 are used.

1If BH appears as the subscript of t, it stands for the Bethe-
Heitler process. Otherwise it’s the abbreviation of black hole..
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We see that this is true in the other sites as well, and
the relation fπ;sup ∼ 1 will be used in the following
text. For neutrinos from secondary muon decay, we
introduce another suppression factor besides fπ;sup, e.g.,
fμ;sup ¼ 1 − expð−t−1μ;dec=t−1μ;cÞ. For a 100 PeV muon, the
decay rate is t−1μ;dec ≈ 1=ðγμtμÞ ≃ 1.5 × 104 yr−1, where tμ is
the muon lifetime. We conclude the ratio t−1μ;dec=t

−1
μ;c≈

ðm4
μ=m4

pÞtp;syn=ðγμtμÞ≃38× ðεμ=100 PeVÞ−2ðBd=10GÞ−2,
depending on the shock site and jet time tj. In the energy
range studied in this paper and considering that the neutrino
emission can last from years to decades (which will be
shown later), the approximation of fμ;sup ≈ 1 is valid.
Ultrahigh-energy neutrinos (with ≳1 EeV) from the muon
decay can be suppressed by fμ;sup in the very early stage
(e.g., tj < 10−2 yr), which could change the observed
flavor ratio.

IV. HIGH-ENERGY NEUTRINO EMISSION FROM
SHOCKS IN THE JETS

A. Neutrino fluences

Assuming that the high-energy protons have the canoni-
cal shock acceleration spectrumwith a spectral index p ¼ 2
and an exponential cutoff at the maximum proton energy,
we obtain the single-flavor isotropic neutrino spectrum by
pion decay at each site in the observer’s frame

EνFEν;i ≈
ϵpLk;iso

4πd2LCp

�
1

8
fpγ−i þ

1

6
fpp−i

�
fπ;sup−i

×Hðtj − t�Þe−εp=εp;max jEν≈0.05εpð1þzÞ−1 ; ð26Þ

where the label i ¼ CS, IS, FS, or RS represents the site of
neutrino production, ϵp is the CR acceleration efficiency,

FIG. 5. Snapshots of cooling, acceleration, and dynamic timescales for CS (top left), IS (top right), FS (bottom left), and RS (bottom
right) at tj ¼ 10−2 yr. The vertical line represents the maximum proton energy from acceleration, εp;acc, whereas the hatches imply the
unreachable proton energies. The parameters ϵe ¼ 0.1, ϵB ¼ 0.01, _m ¼ 10, Γj ¼ 10, and Γcj ¼ θ−1j ¼ 3 are used.
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Cp ¼ lnðεp;max=εp;minÞ is the normalization parameter,
εp;min ≈ ΓcjΓrel−impc2 is the proton minimum energy in
the cosmological comoving frame, εp;max is the maximum
proton energy, and dL is the luminosity distance between
the source and the observer. In this paper, we assume
efficient baryon loading rate ϵp ¼ 0.5. Noting that the
maximum proton energy is constrained by the cooling
energy εp;c and the maximum proton energy from accel-
eration εp;acc in the jet comoving frame, we conclude that
εp;max ≈ Γcjmin½εp;c; εp;acc�, where εp;c is determined by
the equation t−1p;c þ t−1i;dyn ¼ t−1p;acc. For the FS and RS cases,
considering that these shocks are initially relativistic and
then rapidly decrease to being subrelativistic as the jet
expands, we expect that the corresponding neutrino emis-
sions are not beamed and we replace Lk;iso with Lk;j in
Eq. (26). In the following text, we show the neutrino light
curves and spectra for each site by fixing the luminosity
distance to be dL ¼ 6.7 Gpc (z ¼ 1); (see Sec. IV B for the

reason for this choice). Figure 6 shows the light curves for
specified neutrino energies Eν ¼ 100 TeV (blue lines),
1 PeV (orange lines), and 10 PeV (green lines). As for
the forward shock and the reverse shock, no neutrinos are
expected before the onset time t�. One common feature for
all the four light curves is that the neutrino fluxes decreases
monotonically in the later time, due to a decreasing fpγ
resulting from a less dense photon environment.
For the convenience of the detectability discussion

below, it is useful to calculate the observed cumulative
muon neutrino fluence at a given time tobsν after the jet is
launched by integrating the flux over time:

E2
νϕνμ−iðtobsν Þ ¼

Z
tobsν =ð1þzÞ

0

dtjEνFEν;i: ð27Þ

Cumulative muon neutrino fluences for various observation
times tobsν ¼ 10−2, 10−1, and 1 yr for CS, IS, FS, and RS
scenarios in the optimistic case are shown in Fig. 7. From

FIG. 6. Muon neutrino fluxes versus jet time tj for the CS (top left), IS (top right), FS (bottom left), and RS (bottom right) scenarios.
The optimistic parameters (e.g., _m ¼ 10 and ϵp ¼ 0.5) are used. The blue, orange, and green curves correspond to the specified neutrino
energies in the observer’s frame Eν ¼ 100 TeV, 1 PeV, and 10 PeV, respectively. For the FS and RS cases, the neutrino emissions are
isotropic, and Lk;j is used in Eq. (26) instead of Lk;iso. The relativistic jet is on axis and located at z ¼ 1.
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Fig. 7, we find that the neutrino flux from IS is subdomi-
nant compared to that from CS. The main reason is that the
comoving photon density at IS is much lower than the CS
site, noting that nγ;cs ∝ Γ−2

cj whereas nγ;is ∝ Γ−2
j . The thin

dashed lines in Fig. 7 depict the corresponding neutrino
fluences for a denser circumnuclear material with ηw ¼ 0.1.
Comparing with the solid lines, we conclude that the
neutrino emission does not sensitively depend on ηw and
the results obtained from previous assumptions are not
sensitive to the uncertainties of the outflow model. The
neutrino fluences of the FS and RS scenarios are clearly
lower than for the CS and IS cases, since the neutrinos from
the FS and RS are not beamed.
To calculate the observed flavor ratio, we write down the

ratio of neutrino fluences of different flavors at the source
νμ∶νe∶ντ ∼ 1∶2∶0. According to tribimaximal mixing, the
observed neutrino fluences after long-distance oscillation
are (e.g., Ref. [94])

ϕνe ¼
10

18
ϕ0
νe þ

4

18
ðϕ0

νμ þ ϕ0
ντÞ;

ϕνμ ¼
4

18
ϕ0
νe þ

7

18
ðϕ0

νμ þ ϕ0
ντÞ; ð28Þ

implying that the observed favor ratio is νμ∶νe∶ντ ∼ 1∶1∶1.
We need to keep in mind that the flavor ratio may deviate
from 1∶1∶1 if the muon decay suppression factor becomes
less than unity, e.g., fμ;sup < 1.

B. Detectability

Using the muon neutrino fluence ϕνμ−i at t
obs
ν and the

detector effective area Aeffðδ; EνÞ, we estimate the observed
muon neutrino event number to be

N iðtobsν Þ ¼
Z

ϕνμ−iAeffðδ; EνÞdEν; ð29Þ

FIG. 7. Observed muon neutrino fluences for the CS (top left), IS (top right), FS (bottom left), and RS (bottom right) scenarios at
various observation times tobsν ¼ 10−2 (blue lines), 10−1 (orange lines), and 1 yr (green lines) after the merger. The optimistic parameters
(e.g., _m ¼ 10 and ϵp ¼ 0.5) are used to obtain these curves. The solid lines are obtained from fiducial parameters, e.g., ηw ¼ 0.01,
whereas ηw ¼ 0.1 is used for the thin dashed lines as a reference. For the FS and RS cases, the neutrino emissions are isotropic, and Lk;j

is used in Eq. (26) instead of Lk;iso. The relativistic jet is on axis and located at z ¼ 1.
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where Aeff typically depends on the declination δ. For
IceCube (IC), the effective areas for 79- and 86-string
configurations are similar, and we use the Aeff shown in
Ref. [95] to calculate the 1-yr event numbers of downgoing
and upgoingþ horizontal neutrinos. In the future, foreseeing
a substantial expansion of the detector size, IceCube-Gen2 is
expected to have a larger effective area [96]. Here we assume
that the effective area of IceCube-Gen2 (IC-Gen2) is a factor
of 102=3 larger that of IceCube. The threshold neutrino
energies for IceCube and IceCube-Gen2 are fixed to be 0.1
and 1 TeV, respectively. In our case, we focus on the
detectability of track events considering that the effective
area for shower events is much smaller that of track events.
Note that we consider only the contribution of upgoingþ
horizontal neutrinos.KM3NeT, a networkofdeepunderwater
neutrino detectors that will be constructed in the
Mediterranean Sea [97], will cover the southern sky and will
further enhance the discoverypotential of the jets producedby
SMBH mergers as neutrino sources in the near future.
We calculate the expected 1-yr, e.g., tobsν ¼ 1 yr, neutrino

detection numbers of the CS, IS, FS, and RS scenarios for an

on-axis merger event located at z ¼ 1 (∼6.7 Gpc) with the
parameters used before: _m¼ 10;ϵp¼ 0.5;ηw¼ 10−2;ηj¼ 3;
ϵe ¼ 0.1, ϵB ¼ 0.01, Γj ¼ 10, and Γcj ¼ θ−1j ¼ 3. The
results are summarized in the upper part in Table I.
Correspondingly, the middle panel in Table I shows the
expected event numbers for IceCube and IceCube-Gen2 in
the 10-yr operation (e.g., tobsν ¼ 10 yr). One caveat is that the
accretion rate as well as the jet luminosity Lk;j might be
optimistic for SMBH mergers. Hence, we show also the
results for a conservative casewith a sub-Eddington accretion
rate _m ¼ 0.1 and the same baryon loading factor ϵp ¼ 0.5,
for the purposes of comparison. In this case, the other
parameters are unchanged except for modifying the disk
scale height to h ¼ 0.01, which is consistent with thin disk
models of lowmass accretion rates. The event numbers in the
upper and middle parts in Table I demonstrate that IceCube-
Gen2 could detect≳1 events from an on-axis source located
at z ¼ 1 in a 10-yr operation period, whereas the detection is
difficult for IceCube.
It is also useful to discuss the neutrino detection rate for

all SMBH mergers within a certain comoving volume

TABLE I. Detectability of jet-induced muon neutrino emissions by IceCube (IC) and IceCube-Gen2 (IC-Gen2).

Neutrino event number N i (tobsν ¼ 1 yr) for an on-axis source at dL ¼ 6.7 Gpc (z ¼ 1)

Optimistic parameters Conservative parameters

_m ¼ 10, Lk;j ≃ 3.4 × 1046 erg s−1, ϵp ¼ 0.5, h ¼ 0.3 _m ¼ 0.1, Lk;j ≃ 3.4 × 1044 erg s−1, ϵp ¼ 0.5, h ¼ 0.01

Scenario IC (upþ hor) IC (down) IC-Gen2 (upþ hor) IC (upþ hor) IC (down) IC-Gen2 (upþ hor)

CS 0.031 0.027 0.21 1.2 × 10−4 9.5 × 10−5 7.6 × 10−4

IS 1.3 × 10−3 1.1 × 10−3 7.0 × 10−3 2.6 × 10−6 2.3 × 10−6 1.5 × 10−5

FS 2.6 × 10−4 2.1 × 10−4 1.4 × 10−3 8.1 × 10−6 6.2 × 10−6 4.1 × 10−5

RS 8.8 × 10−4 7.2 × 10−4 4.7 × 10−3 3.6 × 10−5 2.7 × 10−5 1.8 × 10−4

Neutrino event number N i (tobsν ¼ 10 yr) for an on-axis source at dL ¼ 6.7 Gpc (z ¼ 1)

Optimistic parameters Conservative parameters

_m ¼ 10, Lk;j ≃ 3.4 × 1046 erg s−1, ϵp ¼ 0.5, h ¼ 0.3 _m ¼ 0.1, Lk;j ≃ 3.4 × 1044 erg s−1, ϵp ¼ 0.5, h ¼ 0.01

Scenario IC (upþ hor) IC (down) IC-Gen2 (upþ hor) IC (upþ hor) IC (down) IC-Gen2 (upþ hor)

CS 0.17 0.14 1.04 6.1 × 10−4 4.7 × 10−4 3.2 × 10−3

IS 6.9 × 10−3 4.9 × 10−3 2.6 × 10−3 1.01 × 10−5 8.9 × 10−6 6.1 × 10−5

FS 1.1 × 10−3 8.4 × 10−4 5.1 × 10−3 3.1 × 10−5 2.4 × 10−5 2.4 × 10−4

RS 3.3 × 10−3 2.9 × 10−3 1.9 × 10−2 1.4 × 10−4 9.8 × 10−5 8.1 × 10−4

Neutrino detection rate _Nν;i for SMBH mergers within the LISA detection range z ≲ 6½yr−1�
Optimistic parameters Conservative parameters

_m ¼ 10; Lk;j ≃ 3.4 × 1046 erg s−1, ϵp ¼ 0.5; h ¼ 0.3 _m ¼ 0.1; Lk;j ≃ 3.4 × 1044 erg s−1; ϵp ¼ 0.5, h ¼ 0.01

Scenario IC (upþ hor) IC (down) IC-Gen2 (upþ hor) IC (upþ hor) IC (down) IC-Gen2 (upþ hor)

CS 0.019 0.014 0.16 8.2 × 10−5 4.3 × 10−5 3.7 × 10−4

IS 9.1 × 10−4 7.8 × 10−4 4.2 × 10−3 1.7 × 10−6 1.3 × 10−6 9.5 × 10−6

FS 2.6 × 10−3 1.8 × 10−3 0.013 9.6 × 10−5 7.2 × 10−5 4.1 × 10−4

RS 0.011 8.4 × 10−3 0.044 3.5 × 10−4 1.9 × 10−4 2.1 × 10−3
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VðzlimÞ at redshift zlim. Given the SMBH merger rate RðzÞ
and the number of mergers per unit comoving volume per
unit time, and assuming that all SMBH mergers are
identical, we obtain the average neutrino detection rate
per year from the ith component [98,99]:

_Nν;ið<zlimÞ ¼
c
H0

fiðθjÞΔΩsur

×
Z

zlim

0

dz
Pm≥1ðN ijtobsν ¼1 yrÞRðzÞd2L

ð1þ zÞ3
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
Ωmð1þ zÞ3 þ ΩΛ

p ;

ð30Þ

where fiðθjÞ is the probability of on-axis mergers, the solid
angle is Δsur ≈ 2π for the upgoingþ horizontal detections,
and Pm≥1ðN ijtobsν ¼1 yrÞ ¼ 1 − expð−N ijtobsν ¼1 yrÞ is the
probability that a single source at z produces nonzero
neutrino events. For i ¼ CS and IS, the neutrino emission is
beamed and we conclude that fiðθjÞ ¼ θ2j=2, whereas
fi ¼ 1 corresponds to the isotropic FS and RS. Note that
the critical redshift that satisfies 1

2
θ2jRðzÞVðzÞ × 1 yr ∼ 1 is

z ∼ 1, within which one may expect one on-axis merger in
one year. Simulations based on the history of dark matter
halo mergers [100,101] and the history of seed black hole
growth [102] have predicted the redshift evolution of the
SMBH merger rate, and we use the results of Ref. [102]
for RðzÞ.
It has been expected that LISA can detect SMBHs up to

high redshifts (see, e.g., Ref. [103] and references therein).
SMBH binary coalescences at high redshifts (z≳ 2–3)
dominate the total event rate, whereas approximately 10%
of the event rate may come from the mergers at redshifts
with z≲ 1 [100,103–105]. The cumulative LISA event rate
is expected to be ∼10 yr−1 [103]. But the number is
subjected to large uncertainties coming from binary for-
mation models. For example, Ref. [105] gives ∼1 yr−1 for
MBH ∼ 106 M⊙. We are interested in the neutrino detection
rate from SMBH mergers detected by LISA, i.e., GWþ
neutrino detection rate. Combining Eqs. (29) and (30), we
present the neutrino detection rates for SMBH mergers by
setting zlim ¼ 6 (given that LISA can detect such high-
redshift SMBH mergers) in the lower part in Table I. From
the neutrino detection rates and event numbers presented in
Table I, we find that it may be challenging for IceCube-
Gen2 to detect neutrinos from LISA-detected SMBH
mergers with conservative parameters ( _m ¼ 0.1). On the
other hand, if the LISA-detected binary SMBH systems are
super-Eddington accreters (e.g., _m ¼ 10) before and after
the merger, the resulting neutrino emission from the jet-
induced shocks may be detected by IceCube-Gen2 within a
decade. Note that the atmospheric neutrino background
would be negligibly small even for a time window of
tobsν ∼ 1 yr, because the neutrino energy is expected to be
very high.

C. Cumulative neutrino background

It is useful to evaluate the contribution of SMBHmergers
to the diffuse neutrino background and to check if this
model can alleviate the tension between the diffuse neutrino
and the gamma-ray backgrounds. In the scenario of jet-
induced neutrinos, the all-flavor diffuse neutrino flux from
each site is calculated via [30]

E2
νΦν;i ¼

c
4πH0

Z
dz

Z
tν
dtj

RðzÞ
ð1þ zÞ2

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
Ωmð1þ zÞ3 þ ΩΛ

p
×

�
3

8
fpγ−i þ

1

2
fpp−i

�
fπ;sup−i

θ2jϵpLk;iso

2Cp

×Hðtj − t�Þe−
εp

εp;max ; ð31Þ

where the summation takes all neutrino production sites into
account. From the light curves in Fig. 6, we find that the
neutrino emissions can last as long as 100 yr. To calculate the
contribution to the diffuse neutrino background, we treat
these jets as long-duration neutrino sources and take the rest-
frame jet time to be 100 yr in the integral. Figure 8 illustrates
the differential contributions to the diffuse neutrino intensity,
z ×

P
i E

2
νðdΦν;i=dzÞ, for the optimistic parameters at

Eν ¼ 1 (blue line) and 10 PeV (orange lines). The fiducial
parameter ηw ¼ 0.01 is used to obtain these curves. For the
purpose of comparison, we also show in cyan the contribu-
tion (×0.25) toEν ¼ 1 GeV neutrino background from star-
forming and starburst galaxies (SBG and SFG, respectively)
[106]. Using the redshift evolution of SMBH merger rate
RðzÞ provided by Ref. [102], we show the diffuse neutrino
fluxes from each shock site for optimistic and conservative
cases in Fig. 9. In this figure, the yellow area and green and
red data points correspond to the diffuse neutrino fluxes

FIG. 8. Differential contributions to the diffuse neutrino in-
tensity z ×

P
i E

2
νðdΦν;i=dzÞ for the optimistic case at Eν ¼ 1

(blue line) and 10 PeV (orange line). The cyan line depicts the
contributions (×0.25) from star-forming and starburst galaxies
(SFG and SBG, respectively) [106] at Eν ¼ 1 GeV.
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deduced from upgoing muon neutrinos, 6-yr high-energy
start events (HESE) analysis, and 6-yr shower analysis [25–
27,107], respectively. The results obtained from Eq. (31) is
consistent with the analytical estimation [30]

E2
νΦν ∼

c
4πH0

3

8
fpγfπ;supξzR

			
z¼0

tνC−1p ϵpLk;j

∼ 10−8 GeVcm−2s−1sr−1

× ðϵp _m=5Þfpγ
�
ξz
12

��
tν;effRjz¼0

0.11 Gpc−3

�
; ð32Þ

where fpγ is close to unity at Eν ∼ 10 PeV in the effective
duration tν;eff ¼ 10 yr, Cp ≃ 15–20 depends on the jet time,
and ξz is the redshift evolution parameter (see, e.g.,
Ref. [108]). Here, the analytical estimation is energy depen-
dent, since, at different Eν, the effective neutrino emission
time tν;eff , during which fpγ remains close to unity, strongly
depends on the neutrino energy according to the light curves
in Fig. 6. From this figure, we find that the CS and RS
scenarios contribute to the diffuse neutrino flux roughly in
the same level. The main reason is that these sites can
continuously produce very high-energy neutrinos in a longer
duration, e.g., ∼10 yr (see the green curves in Fig. 6).
Moreover, since the dynamic time of the reverse shock

trs;dyn ≈ Rh=ðβhcÞ is larger than that of the collimation shock,
tcs;dyn ≈ Rcs=ðΓcjcÞ, the reverse shock scenario predicts
higher-energy neutrinos (in the EeV range).
One simplification in Eq. (31) is that all sources have the

same physical conditions and share the same set of
parameters throughout the Universe. However, in reality,
the situation is more complicated. Nevertheless, one can
infer that the jet-induced neutrino emissions from SMBH
mergers could significantly contribute to the diffuse neu-
trino flux in the very high-energy range, i.e., Eν ≳ 1 PeV, if
the optimistic parameters are applied.
Since SMBHmergers are promising emitters of ultrahigh-

energy neutrinos, these sources will become important can-
didates for future neutrino detectors, such as the giant
radio array for neutrino detection (GRAND [110]),
Cherenkov from astrophysical neutrinos telescope (CHANT
[111]), Probe of Extreme Multi-Messenger Astrophysics
(POEMMA [112]), Askaryan Radio Array (ARA [113]),
and Antarctic Ross Ice Shelf Antenna Neutrino Array
(ARIANNA [114]). An absence of detection can in return
constrain the jet luminosity or accretion rate and the source
distribution. Typically, the source density and jet luminosity
are constrained by the nondetection of multiplet sources
[99,115,116]. However, such a multiplet constraint is very
stringent in the energy range Eν ∼ 30–100 TeV (see, e.g.,
Ref. [99]) and becomes very weak for Eν ≳ 10 PeV. In this
work, the neutrino emission concentrates in the ultrahigh-
energy band, e.g., 10 PeV to 1 EeV, implying that our model
can avoid the multiplet constraint.
From the previous sections, we find that the neutrino

fluxes produced through the pp process are negligible
compared to that from pγ interactions, implying a low
contribution to the gamma-ray background in the GeV–
TeV range covered by the Fermi Large Area Telescope
(LAT). Most importantly, pγ interactions in our model
mainly produce very high-energy neutrinos of energies
greater than 100 TeV. The accompanied very high-energy
gamma rays can avoid the constraint from Fermi LAT,
since the gamma-ray constraint is stringent for neutrinos in
the range 10–100 TeV if the source is dominated by pγ
interactions [37]. On the other hand, according to the
redshift evolution of the SMBH merger rate and the
differential contributions to the diffuse neutrino intensity
shown in Fig. 8, the sources located at high redshifts z ∼
4–6 contribute a significant fraction of the cumulative
neutrino background, and the sources are fast evolving
objects with a redshift evolution parameter ξz ∼ 12. In this
case, the very high-energy gamma rays produced through
π0 decay can be sufficiently attenuated through γγ inter-
actions with the extragalactic background light and the
cosmic microwave background (see, e.g., Ref. [117] for the
optical depth). Hence, this model can significantly con-
tribute to the very high-energy (≳1 PeV) diffuse neutrino
background without violating the gamma-ray background
observed by Fermi LAT (cf. Figs. 5 and 6 in Ref. [118]).

FIG. 9. Redshift-integrated all-flavor diffuse neutrino flux
expected from relativistic jets in SMBH mergers. The CS, IS,
FS, and RS components are illustrated as blue, orange, green, and
red lines, respectively. The solid and dashed lines, respectively,
correspond to the optimistic ( _m ¼ 10; ϵp ¼ 0.5) and conservative
( _m ¼ 0.1; ϵp ¼ 0.5) cases. The fiducial value ηw ¼ 0.01 is
adopted for both cases. Parameters for these two cases are listed
in Table I. For each case, we use tν ¼ 100 yr as the rest-frame
duration of the neutrino emission in the jets. The 90% C.L.
sensitivities of current (black dashed line, IceCube [109]) and
some future ultrahigh-energy neutrino detectors (gray lines,
ARA/ARIANNA, POEMMA, CHANT, and GRAND) are also
shown.
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V. SUMMARY AND DISCUSSION

In this work, we studied jet-induced neutrino emission
from SMBH mergers under the assumption that the jet is
launched after the merger and it subsequently propagates
inside the premerger circumnuclear formed by the disk
wind which precedes the merger. We showed that, with
optimistic but plausible parameters, the overall neutrino
emission from four different shock sites, CS, IS, FS, and
RS, can be detected by IceCube-Gen2 within 10 yr of
operation. If the accretion rate of the newborn SMBHs are
sub-Eddington, e.g., _m ¼ 0.1, it may be challenging to
detect neutrinos even with IceCube-Gen2 because of the
low SMBH merger rate in the local Universe. On the other
hand, the expected rapid redshift evolution rate of SMBH
mergers implies that they could be promising sources that
contribute to the diffuse neutrino background. In the
previous section, we found that even using the conservative
parameters the SMBH merger scenario can significantly
contribute to the diffuse neutrino background flux in the
1–100 PeV range. Importantly, our model mainly produces
very high-energy neutrinos of Eν ≳ 1 PeV via pγ inter-
actions, making it possible to simultaneously avoid the
gamma-ray constraints.
As noted before, one crucial parameter of the model is

the mass accretion rate _MBH ¼ _m _MEdd, since it determines
the jet luminosity Lk;j. Many simulations have shown that
the ratio of the mass loss rate by the wind and the accretion
rate, ηw ¼ _Mw= _MBH, strongly depends on the accretion
rate, which implies that the density of the circumnuclear
material is also sensitive to the accretion rate. In reality, the
mass accretion rates before and after the merger may range
from extreme sub-Eddington cases (e.g., _m ∼ 10−4) to
extreme super-Eddington cases ( _m ∼ 100), depending on
the model of accretion disks. We adopted the moderately
super- and sub-Eddington accretion rates as fiducial values.
With such assumptions, the ratio ηw ∼ 10−2 used in our
calculation is justified by the global three-dimensional
radiation MHD simulations [77–80]. Our results show that
with the reasonably optimistic parameters _m ¼ 10 and
ϵp ¼ 0.5 it is possible for IceCube-Gen2 to see neutrinos
from SMBHmergers within the operation of approximately
10 yr if the jet opening angle θj ∼ 0.3 is comparable with
that of AGN.
Noting that a SMBH coalescence will produce strong

GWs that will be detected by LISA, we discussed the
expected coincident detection rates of both neutrinos and
GWs. From the bottom part in Table I, we found that it

would be possible for LISA and IceCube-Gen2 to make a
coincident detection of SMBH mergers within the obser-
vation of 5–10 yr in the optimistic case. One advantage of
this model is that we can use the GW detection as the alert
of the postmerger neutrino emission. The time lag between
the GW burst and the prompt neutrino emission is approx-
imately ∼10−3 − 10−2 yr (hours to days, similar as tm and/
or tvis in Sec. II), depending on the properties of the
circumbinary disk. Since currently there does not exist an
accurate function to describe the redshift and mass depend-
ence of the SMBH merger rate, the single-mass approxi-
mation adopted here will unavoidably leads to uncertainties
in Eq. (30). In the future, the GW detections of SMBH
mergers will shed more light on our understanding toward
such systems, and then our model can provide more
accurate predictions on the GWþ neutrino coincident
detection rate.
The relativistic jets of SMBH mergers can also produce

detectable electromagnetic emission, analogous to that of
GRB afterglows. High-energy electrons that are accelerated
in the relativistic shocks caused by the jets will produce
high-energy photon emission through synchrotron radia-
tion and inverse-Compton scattering. The recent detection
of the IceCube-170922A neutrino coincident with the
flaring blazar TXS 0506þ 056 shows that EMþ
neutrino multimessenger analyses are coming on stage
and will play an increasingly important role in future
astronomy. It has been argued that the outburst signature
of TXS 0506þ 056 could be caused by a “binary” of two
host galaxies and/or their SMBHs [119,120] (in which
periodic neutrino emission can be expected by the jet
precession [121]), although the radio signatures may also
be explained by structured jets [122]. In a continuation of
this work, we will explore the electromagnetic signatures of
the relativistic jets of SMBH mergers, which together with
the results presented will provide more complete insights
into the multimessenger study of SMBH mergers.
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YUAN, MURASE, KIMURA, and MÉSZÁROS PHYS. REV. D 102, 083013 (2020)

083013-18

https://doi.org/10.3847/1538-4357/aa6344
https://doi.org/10.3847/1538-4357/aa6344
https://doi.org/10.1051/0004-6361/201629684
https://doi.org/10.1051/0004-6361/201629684
https://doi.org/10.3847/0004-637X/826/2/133
https://doi.org/10.3847/0004-637X/826/2/133
https://doi.org/10.1093/mnrasl/sly216
https://doi.org/10.1093/mnrasl/sly216
https://doi.org/10.1051/0004-6361/201935422
https://arXiv.org/abs/2006.11288
https://doi.org/10.1051/0004-6361/201937206
https://doi.org/10.1051/0004-6361/201937206

